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Abstract

Binary stars consist of more than 50 percent of the population of all-stars. Low-mass binary

systemsmay be the progenitors of many interesting objects, such as type Ia supernovae, luminous

red novae, planetary nebulae, and etc. For distant binary stars, they will evolve like two single

stars, for close binary stars, they may come into interaction if one or both of the stars grow in size

as they enter the giant branch. The giant stars can eject dense stellar wind that is slow in speed.

Some of the ejected materials can be captured by the companion under the influence of the

gravity and the other ejected materials leave the binary system also influenced - the morphology

of the ejecta is always asymmetric. Observations reveal that circumbinary disks, spiral structure,

and bipolar shaped outflows can be found in the different evolved binary systems. On the other

hand, the binary stars may get closer with the on-going mass transfer process and trigger more

violent orbital evolution and finally lead to the merging of the binaries. We aim to study the

mass ejection, mass transfer, morphology, and orbital evolution of the low-mass binary systems.

We mainly use AstroBEAR to carry out the 3-D numerical calculation.
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1

1 Introduction of low-mass symbiotic binary

systems

Low-mass (< 8M�) stars are the majority of the stars in both number and total mass. Their

life cycle can drive the evolution of galaxies. When low-mass binary stars are in close binary

system, they may come into interaction if one or both of the stars grow in size as they enter the

giant branch. We call such binary systems symbiotic. The giant stars will eject dense stellar

wind that is slow in speed. Some of the ejected materials can be captured by the companion

under the influence of the gravity and the other ejected materials leave the binary system without

uninfluenced - the morphology of the ejecta is always asymmetric. Observations reveal that

circumbinary disks, spiral structure and bipolar shaped outflows can be found in the different

evolved binary systems. On the other hand, the binary stars may get closer with the on-going

mass transfer process and trigger more violent orbital evolution and finally lead to the merging

of the binaries. The possible evolutionary outcomes of low-mass binary stars include type Ia

supernovae, luminous red novae, planetary nebulae, and etc.

1.1 Isolated RGB and AGB stars

To understand the symbiotic binary systems that have giant stars, it is first to understand the

giant stars (Iben Jr, 1967; Van Winckel, 2003) in their single state. When a low-mass star has

burned most of its hydrogen, its cores will contract and the temperature of the core will rise. In

this process, the stars will grow 50 ∼ 400 times in radius and its surface temperature will cool

down to 2000 ∼ 3500K. The envelope of the giant stars are convective unstable (Cox, 1968;
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Figure 1.1: π Gruis, an AGB star that is 530 light-years away. Credit: ESO/VLT

Kippenhahn et al., 2012). Figure 1.1 shows the AGB star of π Gruis (Paladini et al., 2018).

There are bubbles on its surface.

A low-mass star can start the nuclear reaction of helium if the star is more massive than

0.8M� and produce metal elements such as C, O, Si, Mg, and etc. These chemical components

are the bricks for dust. Typically, dust could form below 1500K and will be destroyed above this

temperature (Tielens, 2005). Dust around a giant star forms at 2 ∼ 4 stellar radii (stellar radii

is defined by the radius of the photosphere) of the giant star and can absorb radiation of visible

band once it forms. Since the (Planck mean) opacity of dust is∼ 105 times higher than molecular

gas, dust can be driven outward by radiation. Dust could further transfer momentum to gas via

frictional force, thus a collective outward motion of the gas - the AGB wind - follows. The

AGB wind is a type of stellar wind (Lamers & Cassinelli, 1999). Its terminal speed is between
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10 ∼ 20km·s−1thus the material of an AGBwind can be easily captured by another stellar object.

The mass loss rate of an AGB star is typically 10−7 ∼ 10−5 M� yr−1and the lifetime of AGB

stage is about 105 ∼ 106yrs.

Below the dust formation zone (< 2 stellar radii), it is the atmosphere and its outskirt of the

giant star. This region is still poorly understood. The outskirt of the atmosphere is difficult to be

observed directly because its proximity and high contrast to the photosphere. The physics is also

complicated. Radiation transfer and thermal dynamics of the gas of this region are both poorly

understood because of frequent radiation recombination and emission. The scale height in the

giant star’s atmosphere also varies frequently due to the radiation transfer. The non-Cartesian

geometry and the nature of asymmetry makes it even harder to imagine the physical picture

of the atmosphere. Although a realistic model of the atmosphere is not available, there are

phenomenological models (Bowen, 1988; Liljegren et al., 2016; Chen et al., 2017) that can be

used in modeling symbiotic binary systems. We will leave the details to chapter 5.

1.2 Morphology of the outflow in binary systems

Unlike the high-mass stars > 8M� that end their life in supernova explosion, the low-mass stars

eject most of their envelope and become a planetary nebulae. Most of the envelope is ejected

in the form of slow but dense AGB wind while some may fall back (chapter 3). The material

carried away by the AGB wind from an AGB star is called the outflow. At large radii (> 10

stellar radii), the outflow from an isolated AGB star is highly symmetric thus the corresponding

planetary nebulae will be round. However, the morphology of the outflow will be quite different

if a nearby companion presents. If the companion star is not very close (≥ 10 stellar radii)

to the AGB star, it may pull a fraction of the outflow to itself. The companion can accrete

some (∼ 50%) of the material that has been pulled to it and the rest will pass-by, creating a tail

of compressed gas. If the observer happens to observing such binary system with the line of

sight perpendicular to the orbital plane, a spiral structure which is the evidence of the tail of

compressed gas will be seen. Figure 1.2 shows an example of spiral nebulae of R Sculptoris

(Maercker et al., 2012). The bright region indicate strong radiation from the central stars and

compressed gas. It is a binary system with an AGB star driving AGB wind into its surrounding.
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Figure 1.2: A spiral nebula surrounding star R Sculptoris. Observed by ALMA Observatory (ESO/NAOJ/NRAO).

In the case of close binary (binary separation d ∼ 4 stellar radii), the morphology of the

outflow could change dramatically. Instead of having spiral structure, optically thick circumbi-

nary disk may be found at the equatorial plane. Two lobes could be found in the polar direction

of the binary systems. Figure 1.3 shows an example of circumbinary disk with bipolar outflow

structure of L2 Puppis (Kervella et al., 2015b). The line of sight is at 73.3◦ (nearly edge-on

view). This figure shows a mixture of V (550nm) and NR(650nm) band photos. The equatorial

plane of L2 Puppis is dim in these bands because of the optically thick and dusty circumbinary

disk. The two lobes in the polar directions are the scattered light (see chapter 4).

Although these two type of morphology of the outflow look distinct, they are probably the

same binary system (giant star with a companion) at different separation. We will discuss and

show their connection in chapter 4 and 5.

1.3 Orbital evolution and possible outcomes

Besides the planetary nebulae that we have mentioned in the last section, low-mass binary stars

could also become type Ia SNe and LRNe through binary merging process. To understand why

a binary merging process exist prior to Type Ia SNe and LRNe, let us review these two objects

first.
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Figure 1.3: V and NR bands of L2 Puppis . A binary system with an RGB/AGB star. Credit: ESO/VLT.

Type Ia SNe is a subset of SNe. It is formed by WDs accreting mass from its surrounding

to above 1.44M�(Chandrasekhar limit). A probable path to create a type Ia SN by accretion is

to let another star merge onto the WD. The WD will accrete a fraction of the companion’s mass

and may exceed the Chandrasekhar limit. However, WDs are compact objects, their radii is

only about 109cm. Star formation theory would not allow two stars formed so closely therefore

violent orbital evolution should take place before bringing two stars to contact.

The light curves of LRNe peak in the optical before the infrared. Historically, many LRNe

have been observed: M31RV (Rich et al., 1989), V4332 Sgr (Martini et al., 1999), V838 Mon

(Brown et al., 2002; Bond et al., 2003; Munari et al., 2005; Tylenda, 2005), M85 OT2006-1

(Kulkarni et al., 2007; Rau et al., 2007), V1309 Scorpii (Tylenda et al., 2011) and the recent

M31LRN 2015 (MacLeod et al., 2017). Their origin is not fully understood; some may be

caused by a helium flash while others may result from merging binary systems (Pejcha et al.,

2016; Staff et al., 2016b; Metzger & Pejcha, 2017). For the latter ’mergeburst’ scenario, it is

believed that the binary system will incur a CE (Nordhaus & Blackman, 2006; Ivanova et al.,
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2013). During this phase, a considerable fraction of the envelope may be ejected or pushed to

larger orbits. When the central binary sufficiently tightens or merges, kinetic energy will be

released. The ejected envelope will be heated and glow in red.

The binary merging process in low-mass symbiotic binary systems is usually induced by

the mass transfer between the two stars together with the outflow. Orbital decay could happen

if mass is transferred from the more massive star to the less massive star in a binary system

but not always. The outflow can remove both mass and angular momentum from the binary

system. If the outflow removes angular momentum efficiently, the binary star may get closer,

vise versa. Since the dynamics of mass transfer and outflow involve many physics, such as,

radiation-hydrodynamics, dust formation and destruction, and etc, a thorough understanding of

the long term orbital evolution and the fate of the binary system can only be achieved through

3D quantitative studies. We will leave the details to chapter 5 and 6.
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2 Methods

2.1 Operator split

Hydrodynamic model is one of the many widely used models in many astrophysical problems.

We solve the ideal gas Euler equations (2.1) to evolve the hydrodynamic models (Chandrasekhar,

2013).

∂ρ

∂t
+ ∇ · (ρu) = 0 (2.1)

∂ρu
∂t
+ ∇ · (ρuu) = −∇p (2.2)

∂E
∂t
+ ∇ · [(E + p)u] = 0 (2.3)

where ρ, u, p, and E = ρ(e + 1
2u2) are the density, velocity, pressure and total energy per unit

volume of the fluid. The ideal gas law implies that p = e/[ρ(γ − 1)] and γ is the ratio of specific

heat of the fluid. In Cartesian geometry, split the flux of the 3D Euler equations in each direction

and write the equations in a compact form as equation (2.4),

Ut + F(U)x +G(U)y +H(U)z = 0 (2.4)

where U is the conserved quantities, F,G, and H are the fluxes in the x, y, and z direction,
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respectively. Explicitly,

U =



ρ

ρux

ρuy

ρuz

E


(2.5)

F =



ρux

ρu2
x + p

ρuyux

ρuzux

(E + p)ux


(2.6)

G =



ρuy

ρuxuy

ρu2
y + p

ρuzuy

(E + p)uy


(2.7)

H =



ρuz

ρuxuz

ρuyuz

ρu2
z + p

(E + p)uz


(2.8)

Notice that the technique of flux split is actually a special example of operator split. In

principle, operator split be applied to more complicated partial differential equations. Instead

of solving equation 2.4 at once, we use flux splitting method and solve three equations.

Ut + F(U)x = 0 (2.9)
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Ut +G(U)y = 0 (2.10)

Ut +H(U)z = 0 (2.11)

(2.9, 2.10), and (2.11) have the rotational symmetry. If one of three equations can be solved,

the other two can use the same method and we will take equation (2.9) as an example.

Equation (2.9) is non-linear. One way to solve this problem is to approximate the non-linear

system with quasilinear hyperbolic systems,

Ut + A(U)Ux = 0 (2.12)

where

A(U) = ∂F(U)
∂U

(2.13)

is the Jacobian of F(U).

A(U) =



0 1 0 0 0

(γ − 1)H − u2
x − a2 (3 − γ)ux −(γ − 1)uy −(γ − 1)uz (γ − 1)

−uxuy uy ux 0 0

−uxuz uz 0 ux 0
1
2ux[(γ − 3)H − a2] H − (γ − 1)u2 −(γ − 1)uxuy −(γ − 1)uxuz γux


(2.14)

where H = (E + p)/ρ is the specific enthalpy and a is the adiabatic sound speed. The

eigenvalues of A are,

λ1 = ux − a, λ2 = λ3 = λ4 = ux, λ5 = ux + a (2.15)
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and the eigenvectors of A are,

K =



1 1 0 0 1

ux − a ux 0 0 ux + a

uy uy 1 0 uy

uz uz 0 1 uz

H − uxa 1
2u2 uy uz H + uxa


(2.16)

A has three degenerate eigenvalues corresponding to the characteristic speed of the three

momentum fluxes. The eigenvectors of y and z momentum flux are linear. Because of

the degeneracy and linearity, the fluxes associated with y and z momentum flux are simply

[0, 0, ρuxuy, 0, 1
2 ρuxu2

y]
T and [0, 0, 0, ρuxuz, 1

2 ρuxu2
z]
T , respectively. Therefore, we can tempo-

rally drop off the fluxes associated with the y and z momentum flux as they can be added after

the other three - mass flux, x momentum flux and energy flux - are calculated. In this way, we

have reduced a 3D Euler problem to three 1D Euler problems.

2.2 Discretization

Computers can only work with discretized field because computers have limited memory. Dis-

cretization means to transfer a continuous function to a discrete counterpart such that the discrete

counterpart converges to the continuous function uniformly (Fitzpatrick, 2009) as we increase

the points of the field. For example, a function f (x) is in domain [x1, x2]. A proper discretiza-

tion could done by first dividing the domain into N pieces such that each piece has a length of

δx = (x2−x1)/N . The discrete function could be Di = f (x) such that x ∈ [x1+(i−1)dx, x1+idx]

and i = 1, 2, 3...N . Then the discrete function D should converge to f (x) uniformly,

‖

∫ x2

x1

fx −
∑
i

Diδx‖ = ε → 0 (2.17)

The uniform convergence means that ε decreases as N increases. Therefore, the more points

in a numerical calculation, the more accurate the result should be.

In principle, there are infinite ways to divide a domain but there is difference among all the

dividing. Continuous function could vary drastically in a small range of field and it is more
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effective to increase the number of point in that range instead of increasing it uniformly across the

domain. The motivation of AMR stems from here and the technique of AMR will be discussed

in section 2.5.

2.3 Finite volume scheme

When we introduce the mathematical meaning of uniform convergence in section 2.2, we have

used the notion of finite volume. Specifically, the finite volume that we used is δx = (x2− x1)/N .

The finite volume is also called the control volume.

The finite volume scheme is especially effective in solving hyperbolic PDE (LeVeque, 2002).

In 1D, it is,

qt (x, t) + fx(q(x, t)) = 0 (2.18)

where f (q) is the function of flux and q is the conserved quantity which is constant in one

control volume. The finite volume scheme calculates q(t2) with the given q(t1) by,

∫ x2

x1

q(x, t2)dx =
∫ x2

x1

q(x, t1)dx +
∫ t2

t1

f (q(x1, t))dt −
∫ t2

t1

f (q(x2, t))dt (2.19)

where x1 and x2 are the left and right boundaries of the control volume, t1 and t2 are the

initial and end time of the integration. In general, the quantities that are needed in calculating

the conserved quantities of the next time step is the conserved quantities of the previous time

step and the flux at all the boundaries of the control volume (figure 2.1).

In addition, δt = t2 − t1 is related to δx by the stability criterion (Courant-Friedrichs-Lewy

condition).

vmaxδt
δx

< CFL ≤ 1 (2.20)

where CFL is the CFL number and vmax is the fastest wave speed in the whole computational

domain. In 1D, vmax should be explicit in the flux function f (q), in multi-dimensional PDEs,
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t2

t1 x2x1 q(t1)

q(t2)

f(q(x1,t1)) f(q(x2,t2))

t

x

Figure 2.1: Illustration of finite volume scheme.

vmax can be calculated by finding the eigenvalues of the system. If the flux function is non-linear,

Jacobian matrix should be find before calculating the eigenvalues as shown in section 2.1.

To conclude, the finite volume scheme requires the calculation of flux at all the boundaries

and the maximum wave speed at all boundaries. In the next section, we will discuss how to

calculate the flux and wave speed of 1D Euler equations.

2.4 Riemann problem

We have reduced a 3D Euler problem to three 1D Euler problem in section 2.1 and the dis-

cretization process in section 2.2 can transfer a continuous function to a discrete function. The

finite volume scheme would require the calculation of flux and wave speed at all boundaries. In

this section, we should now focus on the 1D discrete (piece-wise constant) Euler equations or

Riemann problem and show how to calculate flux and wave speed the boundary. The 1D ideal

gas Euler equations are,
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WL WR

WR*WL*Wfan

u*uL-aL uL*-aL*

Figure 2.2: The left and right initial state of the shock tube problem is denoted as WL and WR (W = [ρ, u, p]T ).

The shock tube solution structure consists of a left expanding rarefaction wave, a contact wave in the middle and a

right going shock wave. The rarefaction wave has finite length, which is denoted as the "fan" region, bounded by the

dashed lines. The shock wave does not have length and is represented by the solid line. The contact wave is denoted

by the red line.

∂ρ

∂t
+
∂ρu
∂x

= 0 (2.21)

∂ρu
∂t
+
∂(ρu2 + p)

∂x
= 0 (2.22)

∂E
∂t
+
∂(E + p)u

∂x
= 0 (2.23)

All the variables are discretized and have the common hydrodynamic meanings. The

Riemann problem of Euler equation refers to the initial value problem that has a discontinuity.

The discontinuity divide the domain into the left and the right states (denoted by subscript L

and R). Shock waves, rarefaction waves and contact discontinuity may emerge depending on

the initial value. Figure 2.2 illustrate an exact solution of a shock tube problem.

Toro (2013) has an in depth discussion on the exact solution of Riemann solvers. The exact

Riemann solvers are complicated and slow. In practice, we use approximate Riemann solver, in

particular, the HLLC Riemann solver (Toro et al., 1994) in our hydrodynamic calculations. We

will briefly present the method here.

The HLLC Riemann solver differs the HLL Riemann solver by dividing the middle state into

two parts with a middle wave. The middle wave is an approximation of the contact discontinuity.
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WR*
FR*

WL*
FL*

u*SL SR

Figure 2.3: The solution structure of a classic HLLC Riemann solver consists of a left wave SL , a right wave SR and

a contact wave u∗. The four primitive states divided by the three waves are WL,WL∗,WR∗ and WR . FK,K = L, R

are the corresponding flux associated with the primitive states calculated from equation (2.6).

Figure (2.3) shows the solution structure of the original HLLC Riemann solver. SL and SR are

the left and right waves, respectively. u∗ is the middle wave.

The wave speed SL and SR need to be calculated before calculating the middle wave speed.

Explicitly,

SL = uL − aLqL (2.24)

SR = uR + aRqR (2.25)

where aK =
√
γpK/ρK is the adiabatic sound speed and qK = 1 if p∗ < pK and qK =

[1 + γ+1
2γ (

p∗
pK
− 1)]0.5 if p∗ > pK .

In addition, three equations can be obtained by applying Rankine-Hugoniot conditions

(Chapter 10.4.1 of Toro (2013)) to the three waves of speeds SL, SR and u∗.


FL∗ = FL + SL(UL∗ − UL)

FR∗ = FL∗ + u∗(UR∗ − UL∗)

FR∗ = FR + SR(UR∗ − UR)

(2.26)

(2.27)

(2.28)
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The HLLC Riemann solver introduces two additional equations,

pL∗ = pR∗ = p∗ (2.29)

and

uL∗ = uR∗ = u∗ (2.30)

to solve the Riemann problem. With the new two equations, the middle wave speed can be

calculated,

u∗ =
pR − pL + ρLuL(SL − uL) − ρRuR(SR − uR)

ρL(SL − uL) − ρR(SR − uR)
(2.31)

and the two middle state can be calculated by,

UK∗ = ρK

(
SK − uk
SK − u∗

) 
1

u∗
EK

ρK
+ (u∗ − uK )

(
u∗ +

pK

ρK (SK−uK )

)


(2.32)

Thus, the flux can be calculated by equation (2.26) by substituting equation (2.32) and using

equation (2.31). The wave speed can be calculated by equation (2.24) and (2.25).

2.5 Adaptive mesh refinement

After working out the numerical method and scheme to solve the Euler equations, the next

important thing is how to solve the Euler equations efficiently. In section 2.2, we have mentioned

that the accuracy could be affected by the partition of the domain. The uniform partition is not

always the best in terms of efficiency and accuracy. In practice, non-uniform partition has been

used throughout our researches. The official name of such technique is adaptivemesh refinement.

We will give a brief introduction here, readers are encouraged to read Carroll-Nellenback et al.

(2013) for details.

Figure 2.4 illustrate the topological structure of a domain that has adaptive refined area. In

this figure, the refinement factor is 2. It means that adding one level of refinement to a patch
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Figure 2.4: Topological structure of a domain that has adaptive refined area. The white square cells and white circles

denote the base grid which is the coarsest grid. If they are refined, they become the parent level and the refined

sub-grids become the child level. Multiple levels of refinement can be achieved by applying such process repeatedly.

Figure adapted from ’The Formation of Stars: From Clouds to Cores’ by Erica Fogerty with permission.

will be done doubling the cell number in each dimension of it. For example, if a 3D patch has

dimension of L × L × L, adding one level of refinement will generate 23 = 8 child patches. Each

child patch has new dimension of L/2 × L/2 × L/2.

AMR should be applied to any region that sees rapid change of the variables. When using

AMR, the CFL condition, equation (2.20), should be examined at every child patch since δx is

also a variable. The same level of patches share the same time step δtlevel. Each δtlevel must

satisfy the CFL condition.
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3 The Creation of AGB Fallback Shells

The possibility that mass ejected during Asymptotic Giant Branch (AGB) stellar evolution

phases falls back towards the star has been suggested in applications ranging from the formation

of accretion disks to the powering of late-thermal pulses. In this paper, we seek to explicate the

properties of fallback flow trajectories from mass-loss events. We focus on a transient phase of

mass ejection with sub-escape speeds, followed by a phase of a typical AGB wind. We solve

the problem using both hydrodynamic simulations and a simplified one-dimensional analytic

model that matches the simulations. For a given set of initial wind characteristics, we find a

critical shell velocity that distinguishes between "shell fallback" and "shell escape". We discuss

the relevance of our results for both single and binary AGB stars. In particular, we discuss how

our results help to frame further studies of fallback as a mechanism for forming the substantial

population of observed post-AGB stars with dusty disks.

3.1 Introduction

The possibility that some material ejected during the AGB mass loss stage falls back onto the

star has been the subject of a number of studies, motivated by both theoretical and observational

considerations (Bujarrabal et al., 1998; Soker, 2001; Van Winckel et al., 1998; van Winckel,

1999; Waters et al., 1992; Zijlstra et al., 2001).

The discovery of a population of post-AGB stars hosting dusty, long-lived disks is a puzzle

for standard stellar evolution theory as it is not clear how these disks originate (Clayton et al.,

2014; Su et al., 2007; Venn et al., 2014). Given that some occur in binaries, it has been assumed
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that most if not all, are the result of some form of mass transfer (Bujarrabal et al., 2005; Dermine

et al., 2013; Hinkle et al., 2007; Malek & Cami, 2014; van Winckel et al., 2009).

Theoretically, there is diverse interest in AGB mass-loss fallback. Asking when the return

of matter can significantly influence post-AGB evolution, Soker (2001) considered the forces

acting on back-flowing material in order to set limits on when such fallback can occur (though

no trajectories were calculated). In order for back flow to play a role in post-AGB and Planetary

Nebulae (PN) evolution, that study concluded that the fallback mass should be high, the ejected

velocity should be low, and that the mass should be concentrated along the AGB equator.

For a spherically symmetric case, thermal pulses or fuel limited relaxation oscillations may

be a source of such mass loss (Van Horn et al., 2003). In Frankowski & Soker (2009), backflows

were invoked as a means of creating very late thermal pulses (VLTP). Hajduk et al. (2007) also

considered the possibility that mass accretion can induce a VLTP in the context of the "old nova"

CK Vul where the mass is assumed to come from a companion. Frankowski & Soker (2009),

however, considered the accreted mass falling back from AGB wind material that had become

part of a planetary nebula.

In Soker (2008), the possibility for fallback to occur via a stellar "evanescent zone" was

explored where, in addition to the escaping wind, gas parcels do not reach the escape velocity

but rise slowly through the zone and then fall back. Wind and bound gas were found to exist

simultaneously out to distances of ∼ 100 AU.

Backflow has also been proposed as a mechanism for slowing evolution along post-AGB

evolutionary tracks (Zijlstra et al., 2001) and for depleting post-AGB dust stars of refractory

elements (e.g. Van Winckel et al. (1998)).

Explaining the observations of disks around post-AGB stars (discussed above) has, however,

been one of the main reasons for exploring studies of fallback during AGB mass loss. Such a

suggestion was part of the motivation driving the Soker (2001) paper. In addition, Akashi et al.

(2007) suggested that circumbinary rotating disks can also be formed from slow-AGB-wind

material that is pushed back towards the star by wide jets emanating from one of the stars (i.e.

collimated PPN or PN outflows Bujarrabal et al. (1998)).

A natural means for generating fallback in the context of binary stars however may be
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common envelope (CE) evolution. Both simulations and analytic models indicate that some

fraction of the material expelled from the envelope may not escape the binary system (Nordhaus

& Blackman, 2006; Nordhaus et al., 2007; Kashi & Soker, 2011; Ricker & Taam, 2012; Passy

et al., 2012). Some of this material is, therefore, expected to fall back after the CE mass ejection

event. This can occur even when the CE event involves a low-mass object such as a massive

planet being swallowed by an AGB star(Nordhaus &Blackman, 2006). Planetary companions to

main-sequence stars are plentiful and those orbiting within ∼ 10 AU can be expected to plunge

into their host stars during the giant branches (Nordhaus et al., 2010, 2011; Nordhaus & Spiegel,

2013). In such cases, material would be ejected over short timescales (a shell) with sub-escape

velocities (Vs < Vesc). Thus, it is possible that circumbinary disks are the result of CE ejections

in which some fraction of the envelope is ejected at sub-escape speeds which may drop back to

be shaped into a disk.

Given the interest in fallback on the AGB, in this paper we attempt to gain some insight into

the dynamics of fallback shells by considering only the radial trajectories of the expelled gas.

Of particular interest is the response of a sub-escape velocity shell to internal driving by the

AGB wind which would likely follow the shell ejection. Note that we do not explicitly specify

or model the origin of the mass-loss history as our goal here is simply to study the dynamics of

the shell after its initial ejection from the star. In Sect. 2, we introduce our hydrodynamic model

and methods to solve the problem. In Sect. 3.1, we present the results of full hydrodynamic

simulations. In Sect. 3.2 we present a semi-analytic model and compare it with the simulation

results as well as present a zeroth order estimate of the critical velocity of the shell that distinguish

collapse or escape trajectories.

3.2 Method and Model

We use the AstroBEAR adaptive mesh refinement(AMR) code to solve the hydrodynamic

equations (Cunningham et al., 2009; Carroll-Nellenback et al., 2013). AMR is a computational

technique that divides a computational cell into 2dimension child cellswhen the physical condition
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suggests to (usually high gradient).

∂ρ

∂t
+ ∇ · (ρv) = 0 (3.1)

∂ρv
∂t
+ ∇ · (ρvv) = −∇P −

GMρ

r2 r̂ (3.2)

P = nkbT (3.3)

where n = ρ/mmean is the particle number density and mmean = 1.3 mH is the mean particle

mass.

We begin with an AGB star at the origin and allow it fill the grid with a pre-shell wind.

The mass of the star is 1 M�. The escape velocity at 1 AU from the center of the star is

vesc = 15.43 km/s. We account for radiation pressure within the gas and dust by using an the

effective stellar gravity of αGM�/r2 with α = 0.134. However, we do not specify the dust

species and evolution in the simulation, that is, we only assume a steady state distribution of

dust. The whole region can be optically thin which will be examined.

frad =
ρ(r)κtotalS(r)

c
=
(1 − α)GM�ρ(r)

r2 (3.4)

therefore,

τ =

∫ 30AU

1AU
ρ(r)κtotaldr =

∫ 30AU

1AU

4π(1 − α)GMρ(r)c
L

dr (3.5)

where ρ(r) is the density of wind at radius of r , κtotal is the total mass weighted opacity, S(r)

is the radiation intensity, L is the bolometric luminosity of the AGB star and τ is the optical

depth. In our simulation, the pre-shell wind is driven into the grid at r0 = 1 AU with velocity

v0 = 20.39 km/s. The wind has an injection density of ρ0 = 7.5 × 10−15g/cm3 yielding a mass

loss rate of ÛM0 = 6.84 × 10−7 M�yr−1. By mass conservation law,

ρ0v0(AU)2 = ρ(r)v(r)r2 (3.6)

we can substitute equation (3.6) into equation (3.5) and for computational convenience, eliminate

v0 and v(r) on both side since they are on the same order ofmagnitude. For a typical L = 1500 L�

AGB star, we can get that τ < 1. Obviously, if we lower all the wind density (as well as the mass
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Figure 3.1: First panel shows the boundary condition of the star when it emits stellar wind. Second and third panels

show time dependence of density and velocity.
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loss rate) by a factor of several, the whole region would be optically thin and the hydrodynamic

property would not change since equations (3.1,3.2,3.3) all scale linearly with the density.

The simulation is isothermal and the temperature is 100 K . This yields an initial Mach

number of Mach = 22.4. The boundary of the star is a sphere and the inner condition do not

change upon the variation of outer condition. We divide the inner region of the star into two

parts, a solid sphere and a spherically concentric shell (Shown in the first panel in Figure1.). The

solid sphere has time dependent but uniform density and zero velocity while the concentric shell

has the same time dependent uniform density but linearly increasing velocity from the inner side

to the outer side. The inner side velocity is zero and the outer side velocity is the wind velocity.

R and z axes are both reflective boundaries while top and right edge of the computational box

only allow outflow, so any negative velocity at the boundary is set to be zero. The free fall time

at the boundary is 80 yrs and the sound speed is 0.90 km/s. Given that the initial ambient

density is extremely low and that constant wind will fill the grid before the dense shell outflow,

the boundary condition will have tiny effect on the simulation.

After the wind fills the grid we drive a dense shell from the star. The shell episode lasts

from t1 = 2.32 yr to t2 = 2.90 yr . During the episode, the density rises to 1.5 × 10−13 g/cm3.

The velocity drops to either vlow = 14.27 km/s or vhigh = 14.68 km/s for the two cases we

present here. As we will see, these two cases bracket a bifurcation in the evolution of the ejected

shell. Both of these cases have vs < vesc and in both cases approximately M = 5.6 × 10−6 M�

is ejected in the shell. For computational convenience, we approximate the time dependence of

density and velocity during shell ejections as step functions.

After the shell ejection terminates, we resume the steady wind (which we subsequently refer

to as a "post-shell wind"). The second and the third panels in Figure1 show the density and

velocity history for our simulations. The figures show that in both simulations, the velocity

during the shell ejection is sub-escape at the stellar boundary where mass flows into the grid.

Because AstroBEAR does not have 1-D capacities, we run our code in (r, z) cylindrical

symmetry (2.5D) covering one quarter of the total plane and average over the spherical angle

θ. Thus we impose reflecting boundaries at r = 0 and z = 0. The top and right boundaries

use outflow boundary conditions allowing material to leave the grid. The winds and shell are

injected into the grid via a spherical "surface" boundary condition at r0. The computational
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Figure 3.2: Time evolution of shell with initial shell velocity vlow = 14.27 km/s. The shell finally falls back.

domain is 24 × 24 AU2 and consists of a 240 × 240 base grids plus 4 levels of AMR. Thus the

"effective" resolution of our simulations is (3840)2.

3.3 Results

3.3.1 Simulations from AstroBEAR

In what follows we present two examples from a larger suite of simulations chosen to bracket

the transition from escape to fall-back modes of the ejected shell. In Figure 2 and 3, we present

1D profiles of density and velocity at four different times in the evolution of the simulations.

We take the profiles along the 45-degree line in the r − z plane. We also plot the local escape

velocity for reference.

The four panels in Figure2 show frames from the simulation with the lower shell ejection
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velocity vshell = 14.27 km/s (note with time increases from top to bottom). The simulation

begins with the steady wind filling the grid then the pulse of high density, sub-escape material

(the shell) is launched at 2.32 yr . In panel (a) we see the density and velocity profiles at at

t = 5.23 yr . Note that the steep rise in velocity between the origin and r = 1 AU represents the

inflow boundary where the stellar flow is injected into the grid. In this region we also see that

the density is held constant.

In the first panel between 1 AU and 4 AU, the density of the steady wind ejected after the

mass loss "pulse" drops continuously due to the geometric expansion of the gas. The velocity

also falls due to deceleration by the gravity of the AGB star. Thus since ρ ∝ ÛMw/vw(r)r2, the

wind density in this region falls off more slowly that ρ(r) ∝ r−2.

At r = 4 AU, the steady post-pulse wind encounters the inner edge of the shell ejected

during the brief pulse high mass loss. From this shock interface to approximately r = 6 AU we

see shell material. Note that the velocity in this region is below the local escape velocity of the

AGB star. Between r = 6 AU and r = 9 AU we see a steady drop in the density and steady

increase in the velocity. This region represents a rarefaction wave running from the denser but

slower moving shell material and the supersonic, supra-escape pre-shell wind ejected before the

pulse. The most important point to note in panel (a) of figure 2 is the presence of the shock at

r = 4 AU. This shock wave represents a transfer of momentum from the post-pulse wind into

the shell which causes varying degrees of shell acceleration depending, on the relative momenta

of the wind and shell.

At t = 11.04 yr , we see the dense shell is has expanded outward. The shock bounding

the shell and the post-shell wind is now at r = 6 AU. The boundary between the shell and

pre-shell wind has expanded off the grid. Note however that the velocity of the shell is just above

v = 0. Thus the shell has been almost entirely decelerated and is reaching its maximum radial

excursion.

By t = 16.86 yr , the velocity of the shell has fallen below v = 0. At this point the shell has

begun to fall back towards the star. By t = 22.09 yr , the shock boundary between the wind and

the shell is at r = 3 AU as the shell continues to collapse back towards the star. Note that for all

positions above this radius we see v < 0 which implies all material at these larger radii is moving

radially inward as well. This makes sense because of the rarefaction between the shell material
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Figure 3.3: Time evolution of shell with initial shell velocity vhigh = 14.68 km/s. The shell exceeds the escape

velocity

and the pre-pulse wind. Since the right and top boundary is made to only allow outflow, it must

be different from a self-consistent boundary. However, our simulation zone is large enough to

keep the region we are interested unaffected. If the gas flows in from the boundary right after

the velocity become zero, an error - induced by the artificial boundary condition - will travel at

the sound speed which is 0.90 km/s. However, the error does not have enough time to travel

from the boundary (24 AU) to 12 AU in just 22 yrs. So the fluid motion in 12 × 12 AU2 is not

adversely affected by the boundary.

Finally, note that the sound speed becomes greater than shell speed as it decelerates (cs > v).

During this period we have a subsonic flow (Mach < 1) where pressure force become important

and we see an expansion of the shell width with very slow bulk radial motion.

In Figure 3, we show radial profiles of density and velocity for the simulation with a higher

initial shell velocity. In the first panel, taken at t = 10.46 yr , the shock boundary between
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post-shell wind and the shell is located at about r = 7.5 AU. Note the velocity of the shell is

below the local escape velocity. As the post-shell wind continues to impart momentum to the

shell, we observe a different evolution. In subsequent frames, the shell does not stall but is slowly

driven outward. By t = 31.39 yr , the shell has reached r = 16 AU and its velocity is now just

below the local escape value. By t = 41.85 yr the shell has been almost entirely pushed off the

grid and has achieved a speed in excess of the local escape velocity. Thus we find a shell ejected

with vshell = 14.27 km/s, will fall back onto the star. The shell with vshell = 14.68 km/s,

which is also below the escape velocity, at the launch radius, will escapes.

3.3.2 A One Dimensional Spherical Model

In order to understand the transition between models with shells that escape under the action of

the post-shell wind and those which fall back onto the star, we now derive a simplified analytical

treatment of the problem.

To compare our 2.5D simulation with a 1D analytic model, we use fluid tracers in the

simulations to track shell material. We use tracer mass weighted averages of the tracer’s radial

extent as a measure of shell’s position vs time rs(t).

rs =

∫ 30AU
1AU ρtracerr3dr∫ 30AU
1AU ρtracerr2dr

(3.7)

We assume that the initial velocity and density of the shell are vs and ρs respectively. For the

shell initial mass we have:

ms = 4πr2ρsvs4t, (3.8)

where ∆t is the time interval of injection. The post-shell wind has initial velocity v0 and initial

density ρ0 at the launch point. For a steady spherical wind, mass conservation implies:

4πr2ρwvw = 4πr2
0 ρ0v0 (3.9)

Thus the wind density will fall off as: ρw = (r2
0 ρ0v0)/(r2vw).

We calculate the evolution of the shell velocity vs from the momentum equation (3.2). We

assume that pressure forces are negligible with ‖ − ∇P‖ � ‖GMρ

r2 ‖ . This assumption is valid
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at all times except during the brief stalling of the shell that initiates fallback. The momentum

equation thus becomes
∂ρv
∂t
+ ∇ · (ρvv) = −GMρ

r2 r̂. (3.10)

We must track the velocity of the wind gas before it impacts the dense shell as it is subject to

deceleration due to gravity,

vw(r) =

√
v2

0 −
2GM

r0
−

2GM
r

(3.11)

For the momentum of the shell we write a discrete form of the momentum equation as

ms(t + dt)vs(t + dt) = ms(t)vs(t) + dmwvw −
GMms

r2 r̂dt (3.12)

where the second term on the right represents momentum added to the shell by the wind in a

time dt and the third term represents deceleration due to gravity. More specifically, for the wind

mass added to the shell we have,

dmw = 4πr2ρ(vw(t) − vs(t))dt (3.13)

so that

ms(t + dt) = ms(t) + dmw (3.14)

Using the evolution of the shell velocity:

vs(t + dt) =
ms(t)vs + dmwvw − GMms

r2 r̂dt

ms(t + dt)
(3.15)

Using Eqs. (9) and (10), we divide equation (8) by ms(t + dt) and solve it numerically to

find the trajectory of the shell r(t) for any set of initial conditions. In particular we look for

the critical value of the initial shell velocity vc that distinguishes between fall back and escape.

Evaluation of equation (3.15) shows that for the inputs used in the simulations, the critical initial

shell velocity is vc = 14.50 km/s. Figure 4 shows a comparison of the rs(t) for the analytic

model and for simulations (i.e. v0 < vc and v0 > vc). The analytic model does quite a good job

of recovering the behavior seen in the simulations in both cases.

We can also estimate vc even more simply by first approximating the turning point of the

shell in the fall back case. Here assume that the mass of the shell is constant and neglect the
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Figure 3.4: Results of trajectories of the shell from AstroBEAR and analytic model. Pulsation velocities are

vlow = 14.27 km/s and vhigh = 14.68 km/s respectively.
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effect of post-shell wind. This gives us a ballistic approximation for the maximum radius of

the shell rm. We then assume that the ram pressure of the steady wind must be large enough to

support the shell against gravity at this radius if the wind is to stop the shell from falling back.

This yields
GmsM

r2 =
dpram

dt
(3.16)

where pram is the the magnitude of the ram momentum of the wind given by

pram = 4πρr2
mv

2
w = 4πρ0r2

0 v0vw = ÛMvw (3.17)

Note that vw is a function of r from Eq. (3.11). Note also that rm is determined by v0 according

to our assumption of ballistic motion, namely it corresponds to the radius where the velocity

vanishes. Then force balance gives

rm =
−2r0GM

v2
0r0 − 2GM

, (3.18)

vw =

√
v2
c −

2GM
r0
+

2GM
rm

, (3.19)

Then using Eqs. (3.18), (3.19) and 3.8 in the form

ms = 4πr2
0 ρ0vc4t (3.20)

in Eq. (3.16), we find vc. The result is vc = 14.77 km/s which is only 1.9% higher than the

numerical result 14.50 km/s

3.4 Summary and Discussion

We have presented a simple model for the evolution of a shell ejected with sub-escape velocity

during a brief pulse of enhanced mass loss in an AGB star. The fate of the ejected shell

depends on the acceleration to escape velocity via the action of the continuing steady AGB

wind that follows the launching of the shell. Our 2.5D isothermal hydrodynamic simulations

are compared with a spherically-symmetric analytic model for the time evolution of the shell.

Both the analytic model and simulations closely support in their predictions for the value of the

critical shell velocity vc that delineates the bifurcation between escape and fall-back modes of



30

shell evolution. Though in the presence of spherically symmetric radial temperature gradient,

the diffusion rate will be different but the qualitative result that we find a bifurcation of fall back

vs. escape modes would still be expected.

Our results lay out the basic dynamics of fall-back shells and are relevant to any mechanism

which ejects material with less than the local escape velocity. Our study also establishes the first

step along the path to study post-AGB disk formation via fall-back shells. Since AGB stars are

slow rotators, we would expect that an ejected shell would not have enough angular momentum

to establish a Keplerian disk at large radii. Thus ejected gas will either fall back onto the star or

escape for isolated stars. In the case of a binary however, the material falling back onto the AGB

star might gain enough angular momentum through gravitational interaction to form a Keplerian

disk at large radii. This is a topic for future study.
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4 Three-dimensional hydrodynamic

simulations of L2 Puppis

Recent observations of the L2 Puppis system suggest that this Mira-like variable may be in

the early stages of forming a bipolar planetary nebula (PN). As one of nearest and brightest

AGB stars, thought be a binary, L2 Puppis serves as a benchmark object for studying the late-

stages of stellar evolution. We perform global, three-dimensional, adaptive-mesh-refinement

hydrodynamic simulations of the L2 Puppis system with AstroBEAR. We use the radiative

transfer code RADMC-3D to construct the broad-band spectral-energy-distribution (SED) and

synthetic observational images from our simulations. Given the reported binary parameters, we

are able to reproduce the current observational data if a short pulse of dense material is released

from the AGB star with a velocity sufficient to escape the primary but not the binary. Such a

situation could result from a thermal pulse, be induced by a periastron passage of the secondary,

or could be launched if the primary ingests a planet.

4.1 Introduction

Recent observations of the L2 Puppis system suggest that the Asymptotic Giant Branch (AGB),

Mira-like variable may be in the early stages of transitioning to a planetary nebula (PN) (Kervella

et al., 2015b,a). At a distance of 64 pc, L2 Puppis is one of the nearest and brightest AGB stars.

It seems to be orbited by a close binary companion, and thus represents a unique laboratory in

which to test models of the late-stages of stellar evolution.

Adaptive optics imaging has revealed the presence of a optically thick, circumstellar disk
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with wide-bipolar outflows (Kervella et al., 2015b). Its M5III spectral type (Dumm & Schild,

1998) implies that L2 Puppis has an effective temperature ∼ 3500 K . Photometric studies

show that it is a variable star with an apparent magnitude varying from 2.60 to 6.00 with a

stable period of 140.6 days (Samus et al., 2009; Bedding et al., 2002), consistent with a typical

period associated with thermal pulsation (Bowen, 1988). The derived radius of L2 Puppis is

123 ± 14R� (Kervella et al., 2014) thus its luminosity is 2000 ± 700L�. Placing L2 Puppis on a

Hertzsprung-Russell diagram using a ZAMS evolution model computed by Bertelli et al. (2008)

implies that L2 Puppis is now an AGB star with mass of 2+1.0
−0.5M� and an age of 1.5+1.5

−1.0Gyr .

L2 Puppis has a large lobe structure that extends more than 10 AU to the northeast of the

disk in L-band images (Kervella et al., 2014), likely due to the interaction of an AGB wind with

the secondary star. A recent result by Kervella et al. (2015b) supports this hypothesis, revealing

evidence of a close-in secondary source at a projected separation of 2 AU. In addition, the

existence of an optically-thick circumstellar dusty disk hints at the presence of a secondary. If

the disk were stable and in approximate Keplerian motion, it would have a high specific angular

momentum. However, AGB stars are slow rotators (Meibom et al., 2009) and the large difference

of specific angular momentum implies that there should be some mechanism that can transfer

angular momentum to the gas and dust. A companion can transfer angular momentum to the

gas and shape the outflows seen in the post-AGB and PN phases (Nordhaus & Blackman, 2006;

Nordhaus et al., 2007).

We have carried out a hydrodynamic simulation with AstroBEAR and have used the result

to produce synthetic images from Monte Carlo radiative transfer with the code RADMC-3D.

Hendrix et al. (2015) used a similar method. We describe the hydrodynamic simulation in detail

in Sect. 4.2 and present the results in Sect. 4.3. We discuss the model used in our RADMC-

3D simulation to generate synthetic observations in Sect. 4.4. In Section 4.5 we compare our

synthetic observations to the observational data.
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4.2 Hydrodynamic model description

We have performed three-dimensional hydrodynamic adaptive-mesh-refinement (AMR) simu-

lations of a 2 M� AGB star with a 0.5 M� secondary at a separation of 2 AU1. The AGB star is

represented by a sphere of radius 1 AU with a steady mass-loss rate of ÛMs = 1.65× 10−7M�/yr

and wind velocity of vs = 39.3km/s. After the simulation reaches steady-state, we eject a pulse

of dense wind at a rate of ÛMp = 9.30×10−6M�/yr that lasts 11.6 years. The speed of the pulsed

material is vp = 22.2 km/s which is above the escape velocity of the AGB star but below the

escape velocity of binary system.

Our chosen value for mass loss rate is comparable to normal AGB winds but our initial wind

velocity is higher. We choose a high velocity at the initial launch radius becausewe do not include

wind launching in our models. This means the gravitational force of the AGB star will only

decelerate the wind as it expands outwards and we seek to keep vw in the ∼ 15 km/s ∼ 20 km/s

range at radii of interest where the interaction with the binary occurs. A model for driving AGB

winds (Bowen, 1988; Feuchtinger et al., 1993) will be included in our future work.

The properties of such a pulse are consistent with those expected from the ingestion of a

planet by the AGB star. Such events are expected to occur on the giant branches if planetary

companions are present and initially orbiting within ∼ 10 AU of the main-sequence progenitor

(Nordhaus et al., 2010; Nordhaus & Spiegel, 2013). Radiation from the AGB star is assumed to

be isotropic at all radii with the dust and gas fully coupled. Under such conditions, the radiation

force can be expressed as frad = ρκtotalL/cr2 where κtotal is the mass weighted opacity of gas

and dust. The radiation force is proportional to the gravitational force fgrav = GMρ/r2 in the

optically thin limit (Chen et al., 2016b). The magnitude of the total inward force acting on the

gas is therefore,

f = fgrav − frad = α fgrav (4.1)

We assume that α = 0.134 in our model. Note that once the disk forms, radiation may not be

isotropic at all radii outside of the AGB star. The formation of an optically thick region, such

as a torus or disk, would block photons and the local interior regions of these structures would

experience a reduced or absent direct radiation force.

1It was 4 AU in the published version which was wrong
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Optically thin regions, such as those in the polar direction (and for the majority of our

computational domain) would experience the full radiation force. Despite our use of Eq. 4.1

everywhere, a prominent disk clearly forms suggesting that any case with a position dependednt

reduced radiation force (less total outward force) would also incur disk formation. Future work

should incorporate a more accurate local variation in the radiation force.

Assuming that the dust and gas are in local thermal equilibrium (LTE) and that the luminosity

from the AGB star is constant, the gas temperature varies as T ∼
√

r . At r ∼ 120 R� the surface

temperature of the AGB star is 3500 K and is approximately 400 K at 40 AU away. Since our

simulation zone is (80 AU)3 we employ an isothermal T = 400 K for our simulation. We use

isothermal condition for practical purpose and the actual temperature in the disk might be close

to 400 K . We know that the temperature near the actual AGB star is much higher than 400 K

and that temperature gradient is an important condition for driving AGB winds, but these effects

are are only important in the launch region which we do not model. As noted above, we leave

an exploration of the effect detailed driving mechanism of AGB winds and cooling for future

research.

To carry out our three-dimensional hydrodynamic simulations, we employ AstroBEAR.

AstroBEAR is a multi-physics, adaptive-mesh-refinement (AMR) code which employs a Rie-

mann solver to solve the fluid equations (Carroll-Nellenback et al., 2013). In our simulation, we

use 1003 computational cells as the base grid and 3 levels of AMR such that the total effective

resolution is 8003. The equations of motion of fluid in the simulation are

∂ρ

∂t
+ O · (ρv) = 0 (4.2)

∂ρv
∂t
+ O · (ρvv) = −Op −

αGM1r̂1

r2
1

−
GM2r̂2

r2
2

(4.3)

p = nkbT, (4.4)

where subscript 1 represents the AGB star and subscript 2 represents the secondary. The mean

atomic weight of the gas material is 1.3 mH .
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4.3 Disk and outflow formation

We run the simulation for 1315 years. Approximately, 110 years after the ejection of the dense

wind, material falls back with a disk forming in the orbital plane. Meanwhile, low-density

outflows form in the polar directions. In Figure 1 and 2 we show results of the simulations in

terms of cuts of density in, and perpendicular, to the equatorial plane (Fig 1) as well as 3-D

iso-density contours (Fig 2).

To measure whether material is gravitationally bound to the binary system, we construct the

parameter

q ≡
ek + einteral
‖φ‖

=
0.5v2 + 1.5kbT

‖φ‖
(4.5)

where φ is the specific gravitational potential energy of the material. When q < 1 the material

is bound to the system.

The density cuts in figure 4.1 include conturs of q and they demonstrate the formation of

both unbound bipolar outflows and a gravitationally bound disk structure. In the top panel, we

see high-density gas orbiting the binary in a torus/disk configuration. The radius of the disk

is roughly 12 AU and there is a spiral-arm in its outer regions which sweeps clockwise. The

q = 0.5 and q = 1 iso-contours demonstrate that most of the gas in mid-plane is gravitationally

bound, although there is some escaping gas in the lower right corner of the top panel. This is to

be expected as gas from the mass-losing AGB star continually interacts with the disk. The disk

should be sustible to Rossby wave instabilities (Meheut et al., 2012) which may be the cause of

the episodic ejection.

In the bottom panel, the q = 4 the contours take the form of bipolar cones indicating that the

gas in the polar direction is not bound. Note the presence of "ripples" in the two cones induced by

the orbital motion of the binary system. The velocity of the bipolar outflows is roughly 20 km/s.

Note that the disk is seen in the bottom panel of fig. 4.1 as the dense gravitationally-bound region

inside the red contour. We note that in the equatorial region, some of the outflowing gas will fall

back onto the the mid-plane and incorporate into the disk while some will escape the system.

Figure 4.2 shows the 3D iso-density plot with the disk spin axis inclined by 73.3◦ to the

direction toward the observer. The bipolar lobes are seen in the red and yellow iso-density
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Figure 4.1: Top: Face-on view of the disk (x-y plane). Bottom: Edge-on view of the disk (x-z plane). Density values

are shown with a gray-color map, while velocity vectors are shown in white and blue at the end of the simulation.

Four contours of q delineate the bound and unbound regions.
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Figure 4.2: 3D contour plot of density. The sight inclination is 73.3◦.
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contours in this image. The green regions demarcate a iso-density contour of 1.3× 10−15 g/cm3

with includes the disk.

4.4 RADMC-3D model

We employ the RADMC-3D code (Dullemond et al., 2012) to post-process our hydrodynamic

results and create synthetic maps for comparison with observations. Given a prescribed dust

distribution, we use a Monte Carlo Method (Bjorkman & Wood, 2001) to determine the local

dust temperature, which is then used to produce images of photon density with asymmetric

scattering. The results of our hydrodynamic simulation serve as the input for our radiation

transfer simulation.

4.4.1 Spectral Energy Distribution

We adopt an AGB photospheric model from Castelli & Kurucz (2004) which is shown as the

blue curve in Figure 4.4. The AGB model has an effective temperature of 3500 K , log g = 1.5

and [M/H] = 0.0. The raw SED is subject to reddening of E (B − V) = 0.6 with a standard

Milky Way RV = AV/E (B − V) = 3.1 interstellar dust model and shown as the green curve in

Figure 4.4 Fitzpatrick (1999).

4.4.2 Dust species and spatial distribution

Observational studies of L2 Puppis show that there is an infrared excess in the SED. (Kervella

et al., 2014, 2015b). Such infrared excesses in evolved stars are associated with dust shells or

disks Nordhaus et al. (2008). Furthermore, the 10 µm feature suggests the dust is primarily

silicate-based. As such, we choose two kinds of amorphous silicates: MgFeSiO4 olivine and

MgFeSi2O3 pyroxene (Jaeger et al., 1994; Dorschner et al., 1995) which are the most common

silicates around AGB stars. We assume that both types of dust grains dust are spherical and with

size- number distributions of dn ∼ a−3.5da (Mathis et al., 1977a), where a is the dust radius and

dn is the number density. We consider dust radii in the range from 0.1µm ≤ a ≤ 0.3µm. We

choose this range of radii because: 1. the flat feature in SED between 1 µm to 4 µm implies that
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the disk may have dust grains with radii around 0.5 µm. 2. larger dust grains need more time to

evolve from small dust grains and large grains may not obey the size distribution law described

in (Mathis et al., 1977a). We thus set the cutoff at 0.3 µm.

Dust cannot formwhen the environment is too hot. If we assume the dust to be in approximate

LTE with the star’s effective temperature, given the luminosity L = 2000 ± 700L� and the dust

sublimation temperature Tsub = 1500 K , the dust is unlikely for form within 3.2 AU. However,

there are likely high temperature shocks around the star created by the AGB winds and the

orbital motion of the secondary. The high temperature shocks will moderately extend the dust

free region. As such, we set the dust-to-gas mass ratio η = 0 within 4 AU of the center-of-mass

of the binary. For the rest of the computational domain, we set η = 0.01, since small dust grains

are almost fully coupled with the fluid (Mastrodemos & Morris, 1998). We assume that 80% of

the dust mass is olivine and 20% mass of the dust is pyroxene. The total mass of the dust in the

simulation is 8.55 × 10−8M�.

Given our chosen dust size distribution, dust species and optical properties of amorphous

silicates, the optical properties of the dust mixture can be computed from Mie theory (van

de Hulst, 1957). We use the MATLAB code (Mätzler, 2002) to calculate the absorption and

scattering opacities and the results are plotted out in figure 4.3. We also take asymmetric

scattering by dust into consideration. In our Monte Carlo simulation, we use the Henyey-

Greenstein (Henyey & Greenstein, 1941) scattering phase function

pλ(θ) =
1

4π
1 − g2

λ

(1 + g2
λ − 2gλ cos(θ))3/2

(4.6)

where −1 ≤ gλ ≤ 1 is the wavelength dependent asymmetric coefficient. The actual asymmetric

coefficient for dust is close to 1 in short wavelength regime. When the asymmetric coefficient is

close to 1, the scattering is strongly forward directed.

In reality, dust tend to agglomerate into larger grains when the temperature drops (Gail et al.,

2013) and larger grains are more weakly coupled to the fluid (van Marle et al., 2011). Therefore,

by assuming a fixed dust distribution, composition, and gas-to-dust ratio, our treatment may

underestimate the dust contribution in dense regions such as the disk itself (Woitke, 2006).

However, this simplifying approach for present purposes makes the problem tractable with
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Figure 4.3: The wavelength dependent absorption and scattering opacity of the dust mixture.
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current computational resources. We leave the self-consistent, multi-fluid, three-dimensional,

radiation-hydrodynamic modeling for future work.

4.5 Radiation transfer simulation results

Figure 4.4 shows our results for the broad-band SED computed from our hydrodynamic model

and compared with existing observational data (details can be found in Kervella et al. (2014,

2015b)). In Figure 5 we also present synthetic observations in terms of N and V band images of

models and compare these with recent ZIMPOL observations.

Consideration of fig 4.4 and Figure 5 shows we successfully reproduce the 1µm to 4µm

flat features as well as the 10µm bump in the SED. We note that the NACO data, indicating

the flat, lower intensity regions of the spectrum between 1µm to 4µm were taken in 2013 and

represents higher quality data than the photometeric data associated with the pre-2004 points.

The AstroBEAR simulation, with our choice of dust model, thus is able to capture the shape of

the SED across 2 orders of magnitude in radius.

In Figure 4.5, we have compared synthetic V-band and N-band RADMC-3D images with the

corresponding ZIMPOL observations (Kervella et al., 2015b). The ZIMPOL observations have

an angular resolution of 20 mas, which corresponds to 1.28 AU in L2 Puppis . To foster the best

comparison, we made the resolution in the synthetic image the same as that of the observation.

The images reveals an optically thick circumstellar torus in V and N band.

The fit between our simulation and observations is good as the simulation synthetic images

show both the bipolar lobes and dark band indicating the presence of the disk. The broad

opening angle of the lobes is also recovered in the simulation. Finally in figure 4.6, the 600 nm

synthetic image shows a brighter center while the 11 µm synthetic image has a brighter ring.

The 11 µm photon is a signature of silicate dusts, thus the 11 µm synthetic image shows where

the dusts are. The contour lines show that the inner boundary of the ring is about 4 AU which

is the no-dust radii we have assumed. The relatively dim center implies that there are very few

dusts in the polar direction. It tells us that the optical depth in the polar direction is much lower

compared to the equatorial plane - otherwise we would have seen a brighter center. Given that

there are many more dusts outside the center, the brighter center in the 600 nm image indicates
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Figure 4.4: Spectral energy distribution of L2 Puppis . Current optical flux measurements show an order-of-

magnitude decrease over the last decade.
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Figure 4.5: Synthetic V-band and N-band images from our hydrodynamic simulation compared to the corresponding

ZIMPOL observations for the same logarithmic scale. The synthetic image in the middle is the V-band and the bottom

image is the N-band. The dimension and the inclination of our images are 40 AU × 40 AU and 82◦ respectively.
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Figure 4.6: The image on the left shows the top-down synthetic image of 600 nm from top. The image on the right

shows the synthetic image of 11 µm also from top.

that the dusts in the ring are colder - otherwise they will emit more short wavelength photons.

It also proves that the polar direction is optically thin.

4.6 Summary and discussion

In this paper, we present a fully 3-D hydrodynamic simulation that models a pulse of dense wind

followed by constant stellar wind in a binary system. Our simulation self-consistently forms a

circumbinary disk with wide-bipolar outflows for the L2 Puppis system parameters. Using the

output of hydrodynamic modeling to produce synthetic observations of broad-band photometric

and imaging data significantly improves upon previous non-dynamical, morphological studies

of L2 Puppis .

Throughout our computational domain, we tracked the fluid to determine whether it is

gravitationally bound or escaping. The bulk of the bound material is located in the circumstellar

disk in the orbital plane. Along the poles, a wide angle low velocity outflows emerges with

measured velocities of ∼ 20 km/s.

Synthetic observations constructed by post-processing our hydrodynamic simulation with
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the radiation transfer codeRADMC-3D shows strongmorphological similarity to theV-band and

N-band SPHERE observations. The broad-band SED computed from our results also matches

the observations well, reproducing the "flat" range from 1µm to 4µm and the infrared excess seen

long-ward of 10µm. The top-down synthetic images show that the polar direction is optically

thin and the dust in the disk has low temperature.

This study is an initial step in fully dynamical three-dimensional simulations of evolved

binary star systems and their photometric and imaging observations. Future work should include

additional physical processes such as cooling, self-consistent radiative transfer and multi-dust

species.
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5 Mass Transfer and Disc Formation in AGB

Binary Systems

We investigate mass transfer and the formation of disc in binary systems using a combination of

numerical simulations and theory. We consider six models distinguished by binary separation,

secondary mass and outflow mechanisms. Each system consists of an asymptotic-giant-branch

(AGB) star and an accreting secondary. The AGB star loses its mass via a wind. In one of our six

models, the AGB star incurs a short period of outburst. In all cases, the secondary accretes part

of the ejected mass and also influences the mass-loss rate of the AGB star. The ejected mass may

remain gravitationally bound to the binary system and form a circumbinary disk, or contribute

to an accretion disk around the secondary. In other cases, the ejecta will escape the binary

system. The accretion rate on to the secondary changes non-linearly with binary separation. In

our closest binary simulations, our models exemplify the wind Roche lobe overflow while in

our wide binary cases, the mass transfer exhibits Bondi-Hoyle accretion. The morphologies of

the outflows in the binary systems are varied. The variety may provide clues to how the late

AGB phase influences planetary nebulae shaping. We employ the adaptive-mesh-refinement

code ASTROBEAR for our simulations and include ray-tracing, radiation transfer, cooling and

dust formation. To attain the highest computational efficiency and the most stable results, all

simulations are run in the corotating frame.

5.1 Introduction

More than 50 per cent of the total population of stars are found in binary systems. During most

of their main sequence lifetime, they do not exchange mass but when one of the star progresses
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on to the giant branch [the red giant branch (RGB) or later asymptotic giant branch (AGB)

phases], its radius grows large enough that it may interact with the secondary. Mass transfer can

ensue.

Single AGB stars will lose mass by driving AGB winds modulated with pulsations (Habing

& Olofsson, 2013). Typical mass loss rates and wind speeds are 10−7 − 10−5 M� yr−1and

10 − 20 km s−1, respectively (Herwig, 2005). The standard theory of AGB wind formation

can be described as follows: the pulsation in the AGB star’s atmosphere drives shocks to large

radii. The post-shock, compressed gas will form dust grains when cooling drops the equilibrium

temperature below the dust condensation temperature. In turn, the dust grains will absorb

radiation from the AGB star and accelerate. As the accelerated dust grains carry the gas with

them, the AGB wind is formed. This theory has found considerable phenomenological success

(Bowen, 1988; Liljegren et al., 2016). A lingering question is where does the wind pulsation

come from? The answer likely involves convection (Freytag & Höfner, 2008; Arroyo-Torres

et al., 2015) and radiation transfer. Convection is a complex problem and in the present absence

of a detailed convective AGB stellar atmosphere model we adopt a phenomenological AGB

pulsation wind model in our simulations.

Gas ejected by the AGB wind in binary can be accreted by the secondary. Gas that is not

accreted can remain gravitationally bound to the binary system or eventually escape. There are

three important length scales in this context: the radius of the giant star, the dust formation radius,

and the binary separation. Different combinations of these length scales lead to fundamentally

different mass transfer mechanisms. If the binary separation is much larger than the dust

formation radius, the mechanisms of accretion on to the secondary will be BH accretion. If the

binary separation is slightly larger than the dust formation radius, the accretion process will be

wind Roche lobe overflow (WRLOF). And if the binary separation is less than the dust formation

radius, Roche lobe overflow (RLOF) may incur. When both stars’ Roche-lobes are filled with

gas, a common envelope (CE) phase will commence.

BH accretion is perhaps the most thoroughly studied of the aforementioned accretion mech-

anisms (Edgar, 2004). The classic BH problem (Bondi & Hoyle, 1944) has an accreting object

in parallel flow and predicts that the gas within a cylinder will be focused towards the back of the

object. The flow rate within that cylinder is the upper limit of the accretion rate. This model is
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suitable for an isolated star travelling through interstellar medium or X-ray binaries (Pfahl et al.,

2002). In intermediate separation binary systems, gas flow (wind) become non-parallel and the

full picture of binary systems is needed. Huarte-Espinosa et al. (2013) considered the wind

trajectory and simulated the 3D wind-capture disc in binary systems. However, they solved the

problem in a corotating box just around the secondary. In this paper, we focus on the holistic

processes involving both the mass-losing star and the accreting star. The dynamics of the wind

will be self-consistently solved.

Podsiadlowski & Mohamed (2007) put forward the concept of WRLOF. They argued that

WRLOF could be a very efficient way of mass transfer mechanism in binaries. In a more general

picture, Dermine et al. (2009) concluded that the Roche lobe can be substantially modified by

radiation force. They also realized that the Roche lobe model may not be useful at all in very

luminous systems (e.g. AGB stars). Despite the possible intricacy, WRLOF model was applied

to study the population of carbon-enhancedmetal-poor stars and got positive results (Abate et al.,

2013). However, a more precise and global picture of WRLOF is still needed. Specifically, we

treat the binary stars and the AGBwind as an integrated system and study their mutual influence.

That is the interaction we want to address.

RLOF only happens when the Roche lobe surface is connected and WRLOF happens when

the Roche lobe surface is detached. Schuerman (1972) illustrated the boundary of the two

scenarios with a critical value δc. When the ratio of radiation force to gravity is larger than δc,

the Roche lobe surface is detached (Dermine et al., 2009). To estimate the size of the Roche lobe,

Eggleton (1983) approximated the radii of the Roche lobe with a smooth function that became

useful in many subsequent studies (Staff et al., 2016a). RLOF model was also applied to X-ray

binaries by Savonije (1978) andwas able tomatch the observation. A pioneering hydrodynamical

study on RLOF was performed by Sawada et al. (1986). Their 2D hydrodynamical simulations

revealed the complex flow pattern in a close binary system.

The concept of CE evolution was formally proposed by Paczynski (1976). It is a short

lived and rapidly evolving (e.g. rapidly decreasing orbital separation, ejection of the envelope

or tidal destruction) phase (Ivanova et al., 2013) in binary evolution.The progenitors of CE and

planetary nebulae (PNe) are possibly very similar and a link has been confirmed observationally

(Hillwig et al., 2016). However, the CE phase is still poorly understood and attracting increasing



49

attention (Passy et al., 2012; De Marco et al., 2016). Nordhaus & Blackman (2006), Ivanova

& Nandez (2016) and Nandez & Ivanova (2016) investigated the dynamics of in-spiral of the

companion and the ejection of the envelop during the in-fall. Staff et al. (2016b) performed a 3D

hydrodynamic simulation and validated the in-fall process of a 10MJ planet into the envelope of

an RGB star and an AGB star.

As a consequence of the aforementioned four mass transfer mechanisms, binary systems are

the progenitors of many other objects.

PNe are one class of successor of binary systems. Various PNe shapes and shaping mech-

anism were discussed(Balick & Frank, 2002). It is believed that disc and tori are common in

the progenitors of PNe (Van Winckel, 2003; de Ruyter et al., 2006; van Winckel et al., 2009;

Bujarrabal et al., 2013) and they are important in the evolution of PNe. A pioneering work in

validating this assumption was done by Mastrodemos & Morris (1998) and continuous efforts

have been devoted to study the formation of circumbinary discs in AGB binary systems (Akashi

& Soker, 2008; Akashi et al., 2015; Chen et al., 2016b). Besides PNe, Type Ia supernovae

are also realized to be important successors of binary systems (Whelan & Iben, 1973; Iben &

Tutukov, 1984). Researches on Type Ia supernovae focus on the explosion more than on the

initial condition and a satisfactory answer can only be found with realistic binary models.

For our binary calculations, we use ASTROBEAR 1 (Cunningham et al., 2009; Carroll-

Nellenback et al., 2013). ASTROBEAR is a magneto-hydrodynamic code that has adaptive-

mesh-refinement (AMR) capability. AMR allows us to only refine the region that has the

highest variable (density, pressure etc.) gradients. Every additional level of AMR means the

doubling of resolution of every dimension. Thus the effective resolution of a 3D simulation

with n levels of AMR is 8n times higher than the same one without AMR but the with the same

base grid. This technique can speed up the binary calculation by more than 105 times compared

to a uniform grid code. We perform our calculations on University of Rochester’s BlueHive

supercomputer cluster 2. Each binary model (without a mass loss ’burst’) takes roughly 240 h

on 240 cores and the binary model with a burst takes 300 h on 240 cores. The equivalent total

computational time for the six simulations is 4.18 × 105 CPU hours.

1https://astrobear.pas.rochester.edu/

2https://info.circ.rochester.edu/
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In this paper, we present the first global 3D radiation hydrodynamic calculation of mass

transfer inAGBbinary systems. Section 5.2 contains the equations and physics in our calculation.

A description of the isolated AGB star is also included in section 5.2. Section 5.3 will present the

binary simulation results: the affected mass loss rate , the accretion rate and the morphology of

the outflow. We also qualitatively analyse and classify the simulations in Section 5.3. Section 5.4

has the conclusions and discussion.

5.2 model description

We now present the equations used in our calculation and explain the underlying physics and

approximations. In what follows, we describe both our isolated AGB wind model and the

implementation of the ’burst’.

5.2.1 Equations and physics

Equations

We use radiation hydrodynamic equations of an ideal gas:

∂ρ

∂t
+ ∇ · (ρu) = 0 (5.1)

∂ρu

∂t
+ ∇ · (ρuu) = −∇p + ρ

(
fg + frad + fni

)
(5.2)

∂E
∂t
+ ∇ · [(E + p)u] = ρ

[ (
fg + frad + fni

)
· u − ÛQ

]
(5.3)

p = nkbT (5.4)

In above equations, ρ, n,u, p,T, E, ÛQ (see section 5.2.1) are the density, particle number density,

velocity, pressure, temperature, total energy and cooling rate in the corotating frame respectively.

kb is the Boltzmann constant. The subscript ni stands for non-inertial terms due to carrying out
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the calculation in the rotating frame.

n =
ρ

µmH
(5.5)

fg = α
GMAGB

r2
AGB

r̂AGB +
GMsec

r2
sec

r̂sec (5.6)

frad =
Lκ exp(−τ)
4πcr2

AGB
r̂AGB (5.7)

fni = −Ω × (Ω × r) − 2Ω × u (5.8)

Ω =

(
0, 0,

√
G(MAGB + Msec)

d3

)T
(5.9)

E = e +
ρu2

2
(5.10)

e =
p

ρ (γ − 1)
(5.11)

mH = 1.673 × 10−24g is the mass of hydrogen atom and µ = 1.3 is the mean atomic weight.

d is the initial binary separation. The origin is set at binary system’s centre of mass. The unit

vectors in their explicit forms are:

r̂AGB =
rAGB − r

|rAGB − r |
(5.12)

r̂sec =
rsec − r

|rsec − r |
(5.13)

The quantity fg is the binary stars’ force on the gas; frad is the radiation force on the gas;

MAGB, Msec are the masses of the AGB star and the secondary star, respectively; α is a coefficient

which will be explained in section 5.2.2; κ (see section 5.2.1) is the Planck mean opacity that

changes when dust forms; L is the AGB star’s luminosity; c is the speed of light; τ is the optical

depth (see section 5.2.1); e is the internal energy of the gas; and γ = 5
3 is the ratio of specific

heat.

Gravity

We solve the gravity interaction using Newton’s laws. We include the gravitational influence

of the stars on the gas and the stars on each other but the stars are not influenced by gravity

of the gas in our model. The calculation would be much less efficient and the model would

be more complicated were we to take the gas self-gravity and its influence on the stars into
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account. The gravitational feedback from gas to stars is, however, unimportant on time-scales

of our simulation (t ∼ 100yr). It may be important over longer times such as that of the stellar

lifetime. Gravitational interaction between gas and stars can, for example, contribute to the

binaries’ orbital decay. We will discuss the binaries’ orbital change problem in a subsequent

paper.

Radiation transfer

The typical luminosity of an AGB star is ∼ 1037erg s−1. In our model, the AGB star’s luminosity

is 9.13×1036erg s−1or L = 2342L�. This value is determined by calculating the radiation power

at the hard pulsating sphere that underlies the photosphere i.e. L = 4πσsb(0.9au)2 × (2900K)4.

If the secondary is a low-mass main-sequence star, its luminosity is L�, which is small compared

to the AGB star’s luminosity. If the secondary is a white dwarf (WD), its luminosity will be

close to the accretion luminosity. The upper limit of the accretion luminosity will be

Lacc = 214
MWD

M�
109cm
rWD

ÛMacc

10−7(M�yr−1)
L� (5.14)

The maximum stable accretion rate measured in our calculation is ∼ 1.2 × 10−7 M� yr−1(table

5.4) and the maximum secondary’s mass is 0.5M�. Thus the accretion luminosity will be no

greater than 200L�. We note that any jets that form from the secondary will further decrease

the available energy in luminosity (Soker & Livio, 1994). With all these estimations, it is

reasonable to consider the AGB star as the only radiation source in the binary system. Models

that incorporates the feedback from the secondary can be studied in the future.

We apply 2D ray-tracing algorithm to calculate the radiation transfer. We notice that the

binary system has periodic or symmetric outflows due to the circular orbital motion, so we

average the radiation over the azimuthal angle where the axis of symmetry is crossing the

centre of the AGB star and parallel to the z-axis. We assume single interacting photons in

our calculations, i.e. photons will only interact with the dust or the gas once. In reality, there

could be re-emitted photons and they could still interact with the dust or the gas but neglect that

complication at present.
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In equation (5.7), the optical depth τ is calculated by:

τ(r0, θ) =

∫ r0

rps

κ(r, θ)ρ(r, θ)dr (5.15)

ρ (r, θ) =

∫ 2π
0 ρ (r, θ, φ) dφ

2π
(5.16)

where rps is the photosphere’s radius, r0 = |r − rAGB |, θ ∈ [0, π] is the polar angle, φ ∈ [0, 2π]

is the azimuthal angle and κ = 8 cm2 g−1if dust is present or κ = 2 × 10−4 cm2 g−1if dust is not

present (see section 5.2.1).

Dust formation and opacity

Dust can absorb and scatter photons effectively. When the photons leave the photosphere, they

enter the optically thin regime andwe use the Planckmean opacity calculated as (Chandrasekhar,

1950):

κdust (Tbb) = ∫ ∞
0 f (λ,Tbb)

(
σabs (λ) +

∫ π
0 σsca(λ, θs)(1 − cos θs)dθs

)
dλ

mp
∫ ∞
0 f (λ,Tbb) dλ

(5.17)

where κdust (Tbb) , f (λ,Tbb), λ,Tbb, θs, σabs, σsca,mp are the temperature-dependent Planck mean

opacity of the dust, energy distribution of blackbody radiation, wavelength of the photon,

blackbody temperature, scattering angle, absorption cross-section scattering cross-section and

the mass of the scattering particle, respectively. The scattering for dust is forward scattering, that

is, σsca(λ, θs) approaches 0 rapidly with the increase of θs. Thus the scattering only contribute a

small fraction of Planck mean opacity in dust and we can ignore it for simplicity.

The cross-section σabs can be solved with Mie theory (van de Hulst, 1957; Mätzler, 2002)

but it is dust species and dust size dependent. To carry out a quantitative study, we assume

the dust is spherical and the size has the distribution of dn ∼ a−3.5da between a dust radius of

0.1− 0.3µmwhere a is the dust radius and n is the number density (Mathis et al. (1977b), MRN

distribution hereafter). We take the most common species of dust around oxygen-rich AGB stars

(olivine and pyroxene Jaeger et al. (1994); Dorschner et al. (1995)). In table 5.1 we present the

Planck mean opacity for different temperature black bodys.
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Tbb(K) κolivine( cm2 g−1) κpyroxene( cm2 g−1)

2800 1787 461

2600 1540 356

2400 1303 269

2200 1076 197

2000 858 140

Table 5.1: Planck mean opacity of olivine and pyroxene at different temperature of blackbody radiation. The energy

distribution of the radiation is assumed to be in Planck distribution of that temperature. The dust grains are spherical

and have MRN size distribution.

The opacity is decreasing with the decreasing radiation temperature. Note that the black

body radiation temperature is not necessarily equal to the equilibrium temperature of the dust.

The latter is determined by the total flux of radiation while the former is not. In our simulation,

the temperature at the photosphere is 2684K (T =
(

L
4πσsb(1.05au)2

)1/4
), if we take the atmospheric

reddening into consideration, the ’effective blackbody temperature’ could be lower but that is

beyond this paper’s discussion. The total opacity of the gas-dust mixture is calculated by:

κtotal =
ρgasκgas + ρdustκdust

ρ
, (5.18)

where ρ = ρgas + ρdust is the density used in the radiation transfer equations. κgas = 2 ×

10−4 cm2 g−1, and ρdust/ρ = 0.01 is used in our calculation (Bowen, 1988). Given our assump-

tions, we choose κtotal = 8 cm2 g−1. This value may be slightly larger than the real opacity of

gas-dust mixture around an AGB star but it lies within a reasonable range for the calculations.

The dynamic dust formation is also included in our simulation. Dust forms when the equi-

librium temperature is below the dust’s condensation temperature; we calculate the equilibrium

temperature by

Teq =
4

√
βL exp (−τ)

4πσsbr2 (5.19)

Where β = 0.3, σsb, r are the coefficient of absorption, Stefan-Boltzmann constant and the

distance to the centre of the AGB star respectively. τ will be calculated by equation 5.15. We add
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β in our equation because the dust can only absorb short and specific wavelength of radiation.

We choose this value because it gives us reasonable AGB winds (section 5.2.2). Finally, the

condensation temperature of dust is assumed to be 1500K.

Cooling

A very important physical ingredient in binary simulation is cooling. The accretion on to the

secondary star and the strong shocks around the AGB star will compress and heat the gas. Disc

formation and accretion rates are dependent on cooling (Lee & Chiang, 2015).

We use the same cooling mechanisms as Mastrodemos &Morris (1998): electron excitation

of HI and molecular cooling between molecular hydrogen and water. We updated a few input

parameters to make the cooling more realistic.

When outside the photosphere and when T > 4000K, the electron excitation of HI is

considered. The cooling rate is calculated by ÛQ = 7.3 × 1019nenH exp (−118400/T) (Spitzer,

1978). The number density of electrons is characterized by a step function to further distinguish

high temperature cooling and low temperature cooling. For 4000 < T < 8000K, ne = 6.0 ×

10−4nH and for T > 8000K, ne = 1.0 × 10−3nH.

Molecular cooling is more complicated. In reality, the formation of molecules requires both

low temperature and consideration of relaxation times. H2 is scarce in the constantly shocked

AGB atmosphere since the timescale of H2 formation is longer than the time between successive

shocks (Bowen, 1988; Cherchneff, 2006). We empirically choose the H2 formation region to be

close to the dust formation region, thus molecular cooling will not be considered within a 1.8au

radius of the AGB star. Outside the 1.8au sphere, when T < 4000K, the molecular cooling is

calculated by following Neufeld & Kaufman (1993) and Mastrodemos & Morris (1998).

5.2.2 Isolated AGB star

Before discussing the binary model we first describe our representation of the isolated AGB star.

The test results of normal pulsating AGB star and the AGB star with burst will be presented in

separate subsections. Our isolated AGB star model is phenomenological and mainly inspired
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1.8au~2.0au Dust
Formation Zone:
Outside it kappa=8 cm2/g

1.05au Photosphere:
Outside it kappa=2E-4 cm2/g
Inside it alpha=0.8

0.9au Hard Pulsating
Inner Boundary:
rho=1.2E-8 g/cm3

Figure 5.1: The AGB star’s structure in our model.

by Bowen (1988) and Liljegren et al. (2016). A sketch of the AGB star’s structure is shown in

Fig. 5.1 and its physical properties are listed in Table 5.2.

There are three important shells in the isolated AGB star model: the ’hard’ pulsating inner

boundary, the photosphere and the dust formation zone. The radius of hard pulsating inner

boundary is the hydrodynamic boundary fixed in radius, density and temperature but varying

in velocity. It mimics the convective instability in the atmosphere (Freytag & Höfner, 2008)

and drives shocks (or potentially a burst) outwards. This boundary is ’hard’ because it will

not be affected by the condition on the outside and therefore the dynamics of this shell are

predetermined. The photosphere is presumed to be shell with inner edge r = 1.05au. In reality,

the photosphere boundaries should be dynamic but that requires a more detailed radiation

transfer calculation (and computational resources) than we attempt here. Between the pulsating

boundary and the photosphere we use a reduced gravity described as

fgAGB = α
GMAGB

r2
AGB

r̂AGB, (5.20)

where α = 0.8. This reduced gravity could come from a combination of radiation pressure

and instabilities. In our model testing experience, different α value will give us different wind

properties and there is no simple linear relation of α to wind speed and mass-loss rate. For



57

Mass 1M�

Luminosity 2342L�

Pulsating boundary density 1.2 × 10−8gcm−3

Outflow temperature 2900K

Table 5.2: AGB star’s physical properties.

example, in the small α situation, the pulsation at the hard pulsating sphere may push more

material to the photosphere and dust formation zone with higher speed but the optical depth will

increase dramatically at the dust formation zone. Then the radiation pressure may drop fast with

the increase of radii and the wind may decelerate. How useful is α and how to justify α more

rigorously remains a question in phenomenological AGB wind models. We also allow for the

atmospheric reddening in our binary model using κgas = 2×10−4 cm2 g−1between the pulsating

boundary and the outer edge of photosphere. Outside the photosphere, the gas opacity is kept

the same with α = 1.0 and the cooling from electron excitation turned on. Finally, we have the

dust formation zone whose inner edge is dynamic due to the atmospheric reddening. In the 3D

isolated AGB star simulation, the dust formation radius is between 1.8au − 2.0au.

We now present the two AGB sub-models used in the simulations.

Pulsation

We will always assume pulsation in our binary simulations and we use it to solve the isolated

spherically symmetric pulsating AGB wind problem in 3D with ASTROBEAR. The physical

dimension of the simulation box is (24au3. The base resolution is 2403 and we add one level of

AMR; therefore, the physical dimension of smallest cell is (0.05au)3. The numerical solution

for the outflow from one of our pulsating isolated AGB stars is shown in Fig. 5.2.

The upper panel of Fig. 5.2 shows that thewind velocity approaches 15km s−1asymptotically.

The flatness of the velocity profile implies that the radiation pressure on the wind balances the

gravitational force. This balancing is dynamic because the optical depth (Eq. 5.15) changes

within one period of pulsation. Thus the radiation force (Eq. 5.7) also changes. Between the

surface of the pulsating boundary and the dust forming region, the velocity can go negative, so
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Figure 5.2: The upper panel shows the velocity profile of the AGB wind. The centre of the AGB star is located at

the origin. The red strips illustrate the dust forming region and the green strips illustrate the boundary of the AGB

star. Positive value means the velocity is in outward direction of the star and negative value means the velocity is in

inward direction of the star. The lower panel shows the mass loss rate (solid line and left y-axis) and the boundary

velocity (dashed line and right y-axis) of the AGB star during the normal pulsating periods as a function of time.
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fall back can occur. In this region, gas is constantly shocked as material rises and falls. The

escape velocity to the AGB star’s gravity is shown with dashed line.

In the lower panel of Fig. 5.2 we see the radial velocity at the pulsating boundary which

is vp = 5 cos (2πt/P)km s−1where P = 365d. The mass loss rate is measured at 10au, that

is, we summed the mass flux through the 10au shell. Thus we expect to see the mass loss

rate out of phase with the pulsation. We can however see from Fig. 5.2 that the mass loss

rate has the same period as the pulsation. The average mass loss rate during normal pulsation

is ÛMavg = 2.31 × 10−7 M� yr−1. This is smaller than the mass loss rate predicted by the

empirical formula given by van Loon et al. (2005). Their formula predicts a mass loss rate of

2.57 × 10−6 M� yr−1. Our lower mass loss rate is mainly a consequence of not constructing a

fully self-consistent atmosphere which would at least require a more accurate equation of state

and radiation transfer. Enough resolution should also be contained within each scale height.

Since the intention of our present paper is to study wind binary interactions we only need to get

the general characteristics of the wind correct (dust driving etc).

Burst

In our isolated AGB star model, a ’burst’ is an increase in mass outflow over a short period of

time of the AGB star. In reality, the outflow could be induced by the in plunge of a planet with

Mp ∈ [MJ, 50MJ] (Nordhaus & Blackman, 2006; Nordhaus et al., 2007; Nordhaus & Spiegel,

2013). 3D hydrodynamic calculation (Staff et al., 2016b) shows that a 10MJ planet could

unbind 10−4 − 10−3 M�of the giant star’s envelope and increase the giant’s luminosity. Ivanova

& Nandez (2016) use 3D hydrodynamic model and shows that a 0.05M�planet could unbind

0.02M�of the giant’s envelop. They both see ’fallback’ phenomenon (Chen et al., 2016a) in the

simulations. In the hope of testing the dynamics of such burst in binary systems, we build our

phenomenological model to mimic their solutions. The details of plunge in process of a planet

is not included in our phenomenological model, thus the ’burst’ exists numerically. Next we

will explain how we induce the ’burst’ in our isolated AGB star model. It remains the same in

the binary simulation.

The total span of the burst is 5yr. During the burst, the outflow density at the hard pulsating
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Figure 5.3: Mass loss rate and the boundary velocity of the AGB star during the burst event as a function of time.

sphere will change from 1.2 × 10−8 to 1.2 × 10−12 g cm−3, the outflow velocity which also lies

at the hard pulsating sphere will vary with time:

vburst

km s−1 = 5 + 35 exp
(
−
((t/yr − 32.5)/2)20

(5/2.2)20

)
, (5.21)

where 30 < t < 35yr. This expression is chosen to be generic and any smooth function with

similar shape would work. The outflow temperature will increase from 2900 to 3450K and the

luminosity will be doubled to 4684L�. We also stretch the reduced gravity region to 2au from

1.05au. Our goal in driving the burst is to have an outflow that captures some of the key features

of what would be found in more from more detailed models. The hydrodynamics deep inside

the burst is not our primary interest and we chose parameters that heuristically allow the wind

to increase its mass lose rate. Fig. 5.3 presents the numerical solution of the burst.

Like the pulsating AGB model, the burst model is also solved with ASTROBEAR in 3D. The

burst lasts from 30 to 35yr. After the burst, the AGB star returns to the normal pulsating state.

We still measure the mass loss rate at 10AU, so there is lag between the burst and the peak of

the mass loss. The mass-loss rate ramps up to the peak (2.3×10−4 M� yr−1) rapidly then decays

and finally some leftover material starts to fall back. The total mass loss driven by the burst is

roughly 2.9 × 10−4 M�.
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5.2.3 Accreting star

The accreting secondary is the other important object in binary simulations. We first consider

the range of physics which might be included in including the secondary. As mentioned before,

a low-mass-main-sequence stellar accretion disk is not luminous, but it might have an extended

magnetic field. In that case, the magnetic field and the disk could interact with each other. If the

secondary is a WD, the radiation from the disk could be strong enough to change the dynamics

of the accretion process, especially for possibly super-Eddington accretion in the RLOF. The

temperature of the innermost region of the disk can be up to ∼ 106K and the lowest temperature

in an AGB binary system can be ∼ 10K. Thus one needs a continuous tablular equation of

state from 10 − 106K (Pejcha et al., 2016; Tomida et al., 2015). The density is also spans

many orders of magnitude (10−20 − 100 g cm−3). The possible emerging outflows could change

the morphology of the binary system and the accretion disk (Blackman et al., 2001; Frank &

Blackman, 2004; Blackman & Pessah, 2009). Diskoseismology (Nowak & Wagoner, 1991) is

relevant if self-gravity is to be considered in the binary simulation. All these questions converge

to the question of how to treat the inner boundary condition of the accreting star.

Given resolution constrains (even with AMR) in our calculation the accreting star is a

gravitating sink particle and we adopt the Krumholz et al. (2004) prescription. The sink particle

has been tested via the BH accretion problem where the accretion rate, numerical viscosity

and the accretion flow under various conditions were examined and found to produce excellent

agreement with analytic results. One must be careful in that this prescription for sink particles

can produce errors in the accretion ratewhen the flow is transitioning from subsonic to supersonic

at the accretion radius.

5.2.4 Outer boundary condition

For our outer boundary we carve out a cylinder with its axis of symmetry parallel to the z-axis

inside the cuboid. The radius of the cylinder is one cell smaller than the half length of the

x or y dimension. In the lab-frame, we let the region outside the cylinder have high Mach

number supersonic outward flows. The outward flow condition is reset before every step of the

simulation. Then we transform the Galilean variant quantities (u, E) of the outside cylinder
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region to the corotating frame. The advantage of this boundary condition is that it prevents

unphysical inflow from entering the grid due to the frame rotation. For the top and bottom

surfaces of the cylinder, the physical quantities in the corotating frame (ρ,u, p, E, e,T) outside

the boundaries are first extrapolated. The perpendicular component of the velocity is then

calculated as

up = u · n̂b, (5.22)

where n̂b is the unit outward normal vector of that boundary. If up ≥ 0, we do nothing; if

up < 0, we set it to 0. This prescription eliminates unphysical fallback of material into the

simulation.

5.3 binary simulations

5.3.1 Numerical setup of binary simulations

The setups of the six runs are listed in table 5.3. The column namedAMR represents the highest

level of AMR in the simulation. This highest level is only applied to the region around the

secondary in the ’no burst’ models. The AGB star is kept at the same resolution as in the isolated

model. We do this to focus the computational power on resolving the accretion disk around the

secondary to the finest level. For the binary model with the burst, we do not use the same level

of AMR as model 2 so that we can compare the accretion rate before burst to model 2. We find

that their accretion rate is nearly the same, this feature ensures that our resolution around the

secondary does not influence the accretion rate, i.e. we have enough resolution.

We now explain the models in the table by taking model 1 as an example. For model 1, we

simulate a binary system with 1M� AGB star and a 0.1M� companion. The separation of the

binary stars is 3au. The physical dimension of the simulation box is (40au)3. We divide the

space into 1003 base cells so that each base cell has a physical volume of (0.4au)3. With 4 levels

of AMR, the physical volume of the finest cell is (0.025au)3. The region with highest level of

AMR is restricted to the Roche lobe of the secondary. The resolution of the AGB star is the

same as in section 5.2.2, i.e. the physical volume of the finest cell is (0.05au)3. It is assumed that
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model MAGB Msec d dx, dy dz Nx, Ny Nz AMR Burst racc rflux

M� M� au au au au au

1 1.0 0.1 3 40 40 100 100 4 No 0.1 3

2 1.0 0.5 4 96 48 60 30 6 No 0.1 4

3 1.0 0.5 6 80 40 100 50 5 No 0.1 7

4 1.0 0.5 8 128 48 80 30 6 No 0.1 7

5 1.0 0.5 10 192 64 60 20 7 No 0.1 9

6 1.0 0.5 4 96 48 60 30 5 Yes 0.2 N.A.

Table 5.3: The first column lists the model number used throughout this paper; d(au) is the binary separation;

dx, dy(au) and dz (au) are the physical dimensions of x,y and z of the simulation box and we take dx, dy(au) for all

simulations; Nx, Ny and Nz are the number of base cells in x,y and z dimensions. The AMR column lists the highest

level of AMR for each model. Burst refers to the bursting state of the AGB star in section 5.2.2. Only the AGB star

in model 6 has a burst. racc is the accretion radius of the sink particle. rflux is the radius of the shell through which

the escaping flux is measured.

the secondary will accrete the gas within racc = 0.1au. The AGB star is in its normal pulsating

state throughout the simulation.

We do not deduct the mass lost from the AGB wind from the mass of the star in our

calculation because the total mass loss in the entire simulation is small compared to the mass of

the AGB star. The total mass loss dM in a 100yr simulation is < 3 × 10−5M�. This value will

not exceed 3 × 10−4M� even in the simulation with burst. We expect that such a small mass

change will not signficantly alter the dynamics of the AGB wind, the accretion of the secondary,

or the outflow morphology or orbital dynamics. For the same reason, the angular frequency in

the corotating frame simulations and the center of mass are fixed.

For longer simulations (e.g. >> 100yr) than considered here however, the mass loss will be

important over the lifetime of the AGB star (MAGB/ ÛMAGB) and is a topic of future work.

5.3.2 Dynamics of the mass loss rate and the accretion rate

In our calculations, we find that the secondary influences the mass loss rate from the primary and

that the accretion rate on to the secondary varies dramatically with different binary separations,
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model# ÛMAGB ÛMacc ζ ε

M� yr−1 M� yr−1 per cent per cent

1 2.960 × 10−7 1.159 × 10−7 39.2 28.1

2 3.325 × 10−7 1.224 × 10−7 36.8 43.9

3 2.208 × 10−7 4.513 × 10−8 20.4 −4.42

4 2.658 × 10−7 8.097 × 10−9 3.05 15.1

5 2.606 × 10−7 5.848 × 10−9 2.24 12.8

Table 5.4: Model numbers and the average mass loss rate of the AGB star and the mass accretion rate of the

secondary. We denote the percentage of the accretion rate to the mass loss rate as ζ . We also show the percentage ε

of the changed mass loss rate to the mass loss rate in isolated AGB model.

d. The results are listed in table 5.4 where ζ = ÛMacc
ÛMAGB

and ε =
ÛMAGB− ÛMavg
ÛMavg

.

How do we calculate ÛMAGB? The mass lost from the AGB star can go to each of four places:

1. It can escape the binary system at rate of ÛMesc.

2. It can fall back into a circumbinary disk ( ÛMcd)

3. It can fall into an accretion disk around the secondary ( ÛMad).

4. It can fall directly on to the secondary and be accreted at rate of ÛMacc.

The mass loss rate of the AGB star is thus the sum of these four contributions:

ÛMAGB = ÛMesc + ÛMcd + ÛMad + ÛMacc (5.23)

When the simulation has come to stable state, the mass in the circumbinary disk and in accretion

disk around the secondary are nearly constant so that ( ÛMcd ≈ 0 and ÛMad ≈ 0). Therefore:

ÛMAGB ≈ ÛMesc + ÛMacc (5.24)

The accretion rate ÛMacc is calculated by ASTROBEAR using the prescription introduced by

Krumholz et al. (2004) when the simulation is in stable state. The detail algorithm can be found

in section 2.4 in Krumholz et al. (2004). When the simulation has reached its stable state, ÛMacc

does not vary much (see the first 30 years in Fig. 5.6) during pulsation but we still take the
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average value over 10 pulsation period. ÛMesc is calculated by summing the flux through a shell

of radius rflux (see table 5.3) centered at the origin. Since the flux and the accretion rate vary

with the pulsation, we take the average value over 10 pulsation periods when the binary system

has come to stable state.

As defined above, ε measures the change in mass loss rate compared to the isolated AGB

model. It is evident from the table that the AGB mass loss rate is different when there is a

companion. There are at least three ways that the secondary can affect ÛMAGB:

1. The secondary can attract material around it to make the optical depth rise. The reduces

the radiation force on the radiation-shielded gas and some of it will fall back toward the

AGB star.

2. The secondarymay not be able to accretematerial at its inner boundary as fast as it accretes

material at the outer boundary of its disk. Material will then pile up in the accretion disk.

Some of it will flow through the L2 point (Pejcha et al., 2016) and leave the system.

3. The secondary can pull some of the material inside the dust fomrmation radius (i.e.

before it is radiatively accelerated) that would otherwise fall back on to the AGB star in

the isolated model.

The first mechanism above (optical depth mechanism) reduces ÛMAGB while the second (L2

mass loss mechanism) and the third mechanisms increase ÛMAGB. In model 1, 2 and 3, all three

mechanisms operate; L2 and L3 mass loss are found in model 1 and 2 and L2 mass loss is found

in model 3 (Fig. 5.4). For model 4 and 5 the third mechanism above dominates via BH accretion

on to the secondary.

The accretion rate varies by a factor of 20 between different models. In fact the accretion

rate can be up to ζ = 39.2 per cent (model 1) of ÛMAGB in our simulations. In that model, the

dust formation radius is rdust ≈ 1.8au. The pulsation makes the optical depth oscillate and thus

the radiation force from the AGB star also oscillates. The AGB star’s Roche lobe deforms and

can detach from that of the secondary under this oscillating radiation force and the L1 point may

vanish in some circumstances (Dermine et al., 2009). Given that the typical BH accretion gives

ζ � 10 per cent whereas RLOF can produce ζ ≈ 100 per cent, we interpret this high but not
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100 per cent mass transfer efficiency to exemplify WRLOF. For models 4 and 5 respectively,

ζ = 3.25 per cent and ζ = 2.24 per cent. These values and the spiral outflow wind from the

binary (Fig. 5.4) and suggest that models 4 and 5 exhibit BH accretion.

5.3.3 Results from the ’no burst’ binary simulations

We present the figures from model 1 - model 5 in Fig. 5.4. The figures show results from

simulations that which achieve a stable state for at least 10yr.

Bipolar outflow

The lowmass secondary in orbit around AGB star can shape the AGBwind into a bipolar outflow

structure (Nordhaus&Blackman, 2006). An observational example is L2 Puppis (Kervella et al.,

2015b; Kervella et al., 2016). Chen et al. (2016b) found that 3D hydrodynamic simulation of L2

Puppis and found very good agreement with the morphology and spectral energy distribution.

That work invoked an outburst from the AGB star. Here we see that model 1 and 2 conspicuously

show a bipolar outflow even without the outburst. Repeating extended lobes are found both in the

north and south polar directions. The lobes can extend to 10 − 20au with ripple-like structures

caused by the pulsation. These structures can also be affected by the binaries’ orbital motion

when we compare model 1 and model 2. In model 2, the secondary is more massive so its gravity

has a more conspicuous imprint on polar outflows. In model 1 the ripples are more symmetric

because the secondary mass is only 0.1M� and the dynamics of the polar outflow is dominated

by the radiation force from the AGB star.

Circumbinary disc and accretion disc

Circumbinary disc are common around AGB and RGB stars (Bujarrabal et al., 2013; Kamath

et al., 2016). In our simulations, conspicuous circumbinary disc or tori have been found in

models 1, 2 and 3. The circumbinary disk in model 2 resembles the simulation in Mastrodemos

& Morris (1998). The circumbinary disk in model 1 is optically thick in the equatorial plane

and the material can fall back to the AGB star. The gap of the circumbinary disk in model 1

resembles a pioneer SPH simulation done by Artymowicz & Lubow (1996). The circumbinary
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Figure 5.4: From top to bottom, figures in nth row correspond to the nth ’no burst’ model listed in table 5.3. Figures

in the left column show the density in g cm−3at the z = 0 plane cut (also the equatorial plane). Figures in the right

column show the x = 0 mid-plane cut.
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Figure 5.4: Continued figures.
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disc in all the simulations are dynamically forming. They expand outward and are replenished

at their inner radii. Models 4 and 5 do not show circumbinary disc but instead exhibit spiral

structure.

Accretion disc are also found inmodels 1, 2 and 3. The x-plane cuts of the three models show

that the accretion disc are stable in the equatorial plane and are thin disc. The accretion disc do

not exhibit ’flip-flop’ instability in these three models. Possible reasons may be that the mass

transfer mechanism in these models is not BH accretion (Matsuda et al., 1991; Ruffert, 1996;

Bate, 1997; Bate & Bonnell, 1997; Foglizzo & Ruffert, 1999), 3D simulation can suppress the

instability (Soker, 1990, 1991) and some physical process (i.e cooling, it somewhat comparable

to making γ closer to 1) is removing the excess energy thus may also suppress the instability.

In all three models, the accretion disc are filling their Roche lobes and losing mass via the L2

point. The gas leaking from the L2 point merges into the circumbinary disc and can be pushed

to higher orbit or escape. However, in models 4 and 5, no obvious accretion disc are found.

Huarte-Espinosa et al. (2013) carried out local simulations around the accreting star. finding

ζ ≈ 3 per cent and accretion disc. Comparing our models 4 and 5 to their simulations, we

identify three reasons that conspire to prevent accretion disk formation:

1. Although we have similar ζ values, our AGB wind mass loss rate ( ÛMavg = 2.31 ×

10−7 M� yr−1) is much smaller than theirs (10−5 M� yr−1).

2. Our AGB wind velocity is higher and the mass of the secondary is smaller in our simula-

tions than theirs. Both result in less captured gas.

3. The azimuthally averaged radiation force from the AGB star opposes accretion disk

formation.

Spiral structure

Spiral structure around AGB stars has been discovered observationally (Maercker et al., 2012;

Mauron & Huggins, 2006; Kim et al., 2015) and validated by simulations (Mastrodemos &

Morris, 1998; Edgar et al., 2008). Figures in models 4 and 5 also successfully reproduce the

spiral structure which is similar to CIT 6 and R Sculptoris. The spiral structure in our simulation
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is caused by BH accretion. In BH accretion, gas is focused behind the secondary due to under

the gravitational force and cooled quickly due to the increased density. The gas conserves its

outward momentum and angular momentum but loses its internal energy through cooling. The

cold gas can keep its sharp density gradient for very long time. The gas is focused into the

equatorial plane where it sweeps up more gas. Under some circumtances, L2 mass loss can also

produce spiral structure (Pejcha et al., 2016).

The x = 0 mid-plane cut of the spiral structure shows that gas preferentially accumulates

in the equatorial plane. The morphology of the x = 0 plane cut is different from a torus or

circumbinary disk. The circumbinary disk and spiral likely represent two cases of a ’continuous’

morphological sequence that depends on radiation pressure. To see this, first compare the z = 0

plane cut of models 4 and 5, we see that the curvature of the spiral structure in model 4 is

greater than that of model 5. This spiral curvature is influenced by the radiation pressure on the

spirals; the larger the radiation pressure, the smaller the curvature. The radiation pressure is in

turn, determined by the optical depth and density in the equatorial plane. Thus the equatorial

plane density is directly linked to the curvature of the spirals. Since the secondary in model 4,

with its 8au separation, focuses more material into the equatorial plane than model 5 (with 10au

separation), the curvature of the model 4 spiral should be larger than that of model 5.

Furthermore, if the secondary focuses somuch gas in its tail that the radiation force decreases

more steeply with increasing radius than the gravitational force, the radius of the curvature of

the spiral may become small enough (comparable to the binary separation), that the head and the

tail of the spiral connect. The spiral structure will then become a circumbinary disk. Although

we describe this transition between spiral and circumbinary disk as a ’continuous’ sequence

determined by the radiation pressure, the interaction between gas focused by the secondary,

radiation force, and curvature of the spiral may make this transition range small and highly

nonlinear. There remains opportunity to study this question further.

5.3.4 The burst

The numerical setup of the burst simulation is represented by model 6 in table 5.3. For this

case, the AGB star incurs a burst from t = 30yr to t = 35yr (section 5.2.2) and maintains its
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normal pulsating state before and after the burst. To demonstrate the distribution of the gas

before and after the burst, we calculate average volume densities along x and z axes respectively.

By computing the respective local surface densities and dividing by the domain range of the

projected axis over the region of averaging.

Mathematically, we have

ρx (y0, z0) =

∑x=xmax
x=xmin ρ (x, y0, z0)V (x, y0, z0)

(xmax − xmin) Sy0,z0

(5.25)

ρz (x0, y0) =

∑z=zmax
z=zmin ρ (x0, y0, z)V (x0, y0, z)

(zmax − zmin) Sx0,y0

(5.26)

whereV (x, y0, z0) andV (x0, y0, z) are the volume of the cubes, Sy0,z0 and Sx0,y0 are the projected

area of the columns. ρx (y0, z0) and ρz (x0, y0) (ρx and ρz hereafter) are the average density of

x axis and z axis correspondingly.

Fig. 5.5 shows the the average density of x and z projections at different times. At t = 30.0yr,

the burst is just about to start and the binary in the same state as model 2. We can therefore

compare this state with the mid-plane-cut figures of model 2. The figure in the left column of

the first row shows ρz , and reveals the accretion disk around the secondary and the circumbinary

disk. There are two arms stretching out from the L2 and L3 points. The shape of the outer

boundary is also seen. The figure in the left column of the second row shows ρx in which the

accretion disk and the circumbinary disk are now seen edge-on. The figures also are also spiral

arms in the polar direction which look very similar to those in L2 Puppis (Kervella et al., 2015b;

Kervella et al., 2016).

The first figure in the right column of Fig. 5.5 shows ρz and ρx at the later time t = 35.3yr.

At this time, the burst is over but we can see that the ejected material during the burst was

asymmetrically distributed. In the equatorial plane, there is a ring-like structure and the accretion

disk is temporarily absent. The polar outflow has a cigar-shaped structure. There is a low density

’hollow’ region around the center in the x = 0 plane cut residing inside the high density ejecta

(see Appendix). The ejected material will continue to expand while gas farther in is falling

toward the binary stars, resulting in the cavity. This gas can be accreted by the secondary,

re-enter the AGB star’s boundary and disappear from the simulation, or remain in the equatorial

plane and form a larger circumbinary disk.
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Figure 5.5: The odd rows display the average density of z axis projection in g cm−3. The even rows display the

average density of x axis projection in g cm−3. The time stamps on the figures are increasing from left to right and

from top to bottom.
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Figure 5.5: Continued figures
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Figure 5.6: The accretion rate vs time.

By t = 58.1yr (third row of Fig. 5.5) the gas in the polar direction has been falling back for

many years. The flow become turbulent and shocks created by the colliding flows are evident

throughout the region. The thin accretion disk around the secondary has fully formed. The

region very close to the binary star no longer resembles that of model 2 as there are no arms

stretching arms from the L2 and L3 points. This region will continue to evolve and eventually

return to a stable state.

At t = 67.9yr, the accretion disk can be seen in both x and z axis projections. There is a

circumbinary disk forming and we can see the two arms again stretching from the L2 and L3

points. The center region is now returning to the stable state that resembles this region model

2. However, much of the fall back material is orbiting the binary at larger radii, which is very

different from the result of model 2. The polar gas is still falling back on to the equatorial

plane and colliding with the AGB wind pulses. This create shocks which cool and lead to

filament structure in the density projections. We believe that the simulation is still evolving

but following the simulation further was too computational demanding for present purposes: at

current resolution, to simulate 1yr of this model cost 1400 CPU hour.
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5.3.5 Accretion rate versus time

We present the time dependent accretion rate of Model 6 in Fig. 5.6. Before the burst (t =

30.0yr), the accretion rate is roughly ÛMacc0 = 1.1× 10−7 M� yr−1and oscillates slightly with the

AGB pulsation. This value is the comparable to the accretion rate for model 2 in table 5.4. Since

we use one more level of AMR in model 2 around the accreting star, the similar accretion rate

implies that the resolution around the secondary is not influencing this quantity.

During the burst, indicated by the yellow strip in 5.6, the accretion rate reaches 5.0 ×

10−7 M� yr−1, or 5 times of the ÛMacc. The ejected material during the burst leaves a small

’hollow’ region within. This causes the accretion rate to drop, reaching as low as approximately

half of ÛMacc0.

The final fall-back phase is perhaps the most interesting. Here the accretion rate can surge

to more than 8.0 × 10−7 M� yr−1or 8 times ÛMacc0. As the material continues to fall back, the

accretion rate decreases slowly, sustaining for more than 20yr.

The two peaks and the prolonged decay of the accretion rate may lead to interesting time a of

the binary light curves or temporal variability and spatial variability (i.e. knots) in jets. (Lopez

et al., 1993; Soker & Livio, 1994; Corradi et al., 1999; Blackman et al., 2001; Balick & Frank,

2002).

5.4 conclusions and discussion

To study mass transfer in binary systems with an AGB primary, we perform 3D radiation

hydrodynamic simulations with ASTROBEAR. We carry out analysis from first principles and

examine the physical properties of isolated AGB stars (section 5.2.2). Both normal pulsating

states and bursting states are explained in detail and discussed (van Loon et al., 2005; Ivanova

& Nandez, 2016; Staff et al., 2016b). We perform six binary simulations with ASTROBEAR.

Five of the binary models have a normal pulsating AGB star and one of the binary models has a

bursting AGB star (Sec. 5.3).

Our isolated AGBs star produce AGBwinds with reasonable terminal velocities and velocity

profiles (Fig. 5.2) but low mass-loss rates. We think it is mainly the incorrect EOS and lack
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of radiative-convective envelop that cause this small mass loss rate. In radiation hydrodynamic

binary simulations, EOS and radiation pressure can induce convection and determine density

profiles, which in turn sets the optical depth which effects the dynamics and mass-loss rate.

Therefore, in principle, different EOS and opacity profile would yield different dynamics and

mass loss rate. On the other hand, there is a similarity between high mass-loss rates in wide

binaries and low-mass loss rates in close binaries as the density drops with distance. Therefore

it is still worthwhile to carry out simulations in binary systems with low mass-loss rates. In

particular, self-consistent AGB wind models are important and are of interest.

All binary models with the normal pulsating AGB star exemplify BH accretion andWRLOF.

The ratio of accretion rate to mass-loss rate, ζ , and the mass-loss rate enhancement, χ, are

calculated for each model. At least three mechanisms are responsible for the non-zero ζ and χ

values in close binary stars (Sec 5.3.2). The results frommodel 1 to model 5 are displayed in Fig.

5.4. Models 1 and 2 exhibit clear evidence of bipolar outflows. Circumbinary disc and accretion

disc can be found in models 1, 2 and 3. Spiral structure is observed in model 4 and model 5.

We do not find any obvious accretion disc in model 4 and model 5. By comparing them to

Huarte-Espinosa et al. (2013), we list the possible reasons why we do not see the accretion disc

in our models. We successfully reproduce all three types of structures (bipolar, circumbinary

disc and accretion disc and spiral structure) with the same mass-losing AGB star. We believe

the versatility proves the broad correctness of our binary model.

The binary simulationwith the burstingAGB star (Sec. 5.3.4) has themost intricate structure.

We present both plots of the middle-plane cuts (Appendix) and projections. At first, it is similar

to model 2. We do this with intent, as this demonstrates that the resolution is not adversely

effecting the accretion rate and the dynamics. After the burst, the ejecta pushes the ambient

material significantly outward, thereby creating a hollow inner region. The accretion rate drops

during this time (Fig. 5.6), after which, we observe significant amounts of gas falling back.

During this time, the infalling gas collides and shocks. The high density regions cool faster and

conserve their filament structures. At the end of our simulation, we can see the actively forming

circumbinary disk and accretion disk at the inner region and the evidence of the burst at large

radii in the equatorial plane. The accretion rate shows two peaks, the first one corresponds to

the burst enhancement and the second one corresponds to the fall back process. We can see
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prolonged high accretion rates due to the fall back process. This accretion rate change may

provide clues on the formation of jets and knots in binary stars.

Lastly, we address two numerical difficulties in binary simulations.

1. Two important structures in AGB binary systems are accretion disc and the AGB star

itself. Radiation transfer is equally important in both objects. For now, we only resolve the

radiation transfer around the AGB star with 2D ray-tracing method because of efficiency.

Global 3D radiation transfer will be the best way to resolve the radiation transfer process

in close binary systems but is currently limited due to computational complexity.

2. In corotating simulations, we find that numerical viscous heating is a spurious, adverse

effect. Numerical heating is rooted in Eulerian codes as they suffer from the so called

’Galilean non-invariance’ problem (Springel, 2010). Robertson et al. (2010) did a critically

study on this problem and claimed that simulations done by Eulerian codes can converge to

the reasonable solution if the resolution is high enough. In our simulations, we enlarge the

resolved area and increased the level of AMR as the ejecta expand to keep the numerical

viscosity low. We do this because the Mach number in the lab-frame at large radii is

usually around 10, but it may increase to 20 in the corotating frame as the bulk velocity

is Galilean variant. If the numerical viscous heating converts 1 per cent of the kinetic

energy to internal energy in 1yr of simulation, the temperature will rise 4 times in 1yr.

However, the increasing of temperature will be slowed down when the Mach number is

lowered. One obvious effect is that the circumbinary disk may be puffed up and even

disappear resulting in no Keplerian disc (de Ruyter et al., 2006; Bujarrabal et al., 2013)

which should be observed at large radii. This effect is stronger in close binary simulations

as they have higher angular frequency. Cartesian meshes may also worsen the situation.

To better understand dynamics of circumbinary disc, we think both Lagrangian fluid codes

or Eulerian codes with cylindrical or spherical meshes would be beneficial.
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Appendix 5.A the ’Hollow’ in model 6

Figure 5.7 shows the middle plane cut plots from t = 35.3yr to t = 58.1yr. During this time,

the gas is falling back and it is more clear to see the structure in middle plane cut plots than the

projections.

We can clearly see the ’eye shape’ low density region inside the ejecta at t = 35.3yr. It

is ’closing’ with the fall back of gas. The fall back gas will collide into each other and create

shocks. It can also interact with the successive AGB wind as can be seen at t = 58.1yr.
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Figure 5.7: From top to bottom are the density plot in g/cm3 at different time in model 6. The figures on the left

are the z = 0 plane cut and the figures on the right are the x = 0 plane cut.
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6 Wind-accelerated orbital evolution in

binary systems with giant stars

Using 3D radiation-hydrodynamic simulations and analytic theory, we study the orbital evolution

of asymptotic-giant-branch (AGB) binary systems for various initial orbital separations andmass

ratios, and thus different initial accretion modes. The time evolution of binary separations and

orbital periods are calculated directly from the averagedmass loss rate, accretion rate and angular

momentum loss rate. We separately consider spin-orbit synchronized and zero spin AGB cases.

We find that the the angular momentum carried away by the mass loss together with the mass

transfer can effectively shrink the orbit when accretion occurs via wind-Roche-lobe overflow.

In contrast, the larger fraction of mass lost in Bondi-Hoyle-Lyttleton accreting systems acts to

enlarge the orbit. Synchronized binaries tend to experience stronger orbital period decay in

close binaries. We also find that orbital period decay is faster when we account for the nonlinear

evolution of the accretion mode as the binary starts to tighten. This can increase the fraction of

binaries that result in common envelope, luminous red novae, Type Ia supernovae and planetary

nebulae with tight central binaries. The results also imply that planets in the the habitable zone

around white dwarfs are unlikely to be found.

6.1 Introduction

Binary systems are progenitors for a wide range of astrophysical systems given the multiplicity

of evolutionary outcomes. For much of a binary’s lifetime, the component stars may be non-

interacting. However when one of the star evolves to the red giant branch (RGB) or asymptotic
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giant branch (AGB), the stars may interact via wind-mass transfer and/or tidal friction (Zahn,

1977); their subsequent mutual evolution is strongly coupled (Paczyński, 1971).

The mass transfer interaction can be classified into four types in increasing order of inter-

action. These are: Bondi-Hoyle-Lyttleton (BHL) accretion (Hoyle & Lyttleton, 1939; Bondi &

Hoyle, 1944; Edgar, 2004); wind-Roche-lobe overflow (WRLOF) (Podsiadlowski & Mohamed,

2007); Roche-lobe overflow (RLOF) (Paczyński, 1971); and common envelope (CE) (Ivanova

et al., 2013). Secular and dynamical instabilities can develop before the Roche limit contact is

reached, which may in turn propel the system into the RLOF regime (Lai et al., 1994).

The aforementioned mass transfer modes are commonly studied separately, but they are

often successive stages of time-evolving systems. For example, RLOF and tidal friction (TF)

can shrink the orbit (Tout & Hall, 1991; Lai et al., 1994) and may lead to CE when both stars’

Roche lobes are filled. As we will see, at even larger initial separations, WRLOF can effectively

transfer mass between binary stars while depositing angular momentum into a circumbinary

disc. The system can then evolve to RLOF as the binary orbit shrinks. This exemplifies

how these three modes of mass transfer can be connected by orbital period decay (OPD). As

we suggest herein, a sufficiently rapid evolution to the CE stage, even from widely separated

binaries, implies that there may be many more binary systems that can ultimately arrive at CE

than would be estimated using only their initial separation.

Example systems which result from binary interactions for which our study is germane

include, luminous red novae (LRNe), type Ia supernovae (SNe), and planetary nebulae (PNe).

LRNe have luminosities lower than typical supernovae that occur on white dwarfs (WD) but

higher than novae. LRN light curves peak in the optical before the infrared. Since 1989

(Rich et al., 1989), many new LRNe have been observed: M31RV (Rich et al., 1989), V4332

Sgr (Martini et al., 1999), V838 Mon (Brown et al., 2002; Bond et al., 2003; Munari et al.,

2005; Tylenda, 2005), M85 OT2006-1 (Kulkarni et al., 2007; Rau et al., 2007), V1309 Scorpii

(Tylenda et al., 2011) and the recent M31LRN 2015 (MacLeod et al., 2017). Their origin

is not fully understood; some may be caused by a helium flash while others may result from

merging binary systems (Pejcha et al., 2016; Staff et al., 2016b; Metzger & Pejcha, 2017). For

the latter ’mergeburst’ scenario, it is believed that the binary system will incur a CE (Nordhaus

& Blackman, 2006; Ivanova et al., 2013). During this phase, a considerable fraction of the
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envelope may be ejected or pushed to larger orbits. When the central binary sufficiently tightens

or merges, kinetic energy will be released and the ejected envelope will be heated. Prior to the

CE phase, there would also be a phase of RLOF. RLOF and CE phases also likely precede Type

Ia SNe (Iben & Tutukov, 1984; Kenyon et al., 1993; Ivanova et al., 2013; Santander-García et al.,

2015).

PNe are the nebular end states of low-mass stars (Han et al., 1995). PNe have been observed

to have a range of shapes, mostly aspherical, and often bipolar and asymmetric (Balick & Frank,

2002). Many PNe might be explained by binary models (Soker & Livio, 1994; Mastrodemos &

Morris, 1998; Nordhaus & Blackman, 2006; Blackman & Lucchini, 2014; Hillwig et al., 2016;

Chen et al., 2017; Kim et al., 2017) but some might require triples (Bear & Soker, 2017).Some

PNe have WD-WD binaries in the central region Santander-García et al. (2015); Miszalski

et al. (2017). In rapidly evolving binary system, magnetic fields can be an intermediary in the

conversion of rotational energy into jets and asymmetric outflows (Nordhaus et al., 2007, 2011).

All of this highlights the importance of assessing how binary systems evolve as a function of

initial conditions.

Another interesting context for our study is the effort to determine what kind of binary

systems with planets or secondaries survive aroundWD. Villaver & Livio (2009) and (Nordhaus

et al., 2010) investigated the orbital change in low-mass binary systems and found that tidal

friction, gravitational drag and mass loss from the primary are responsible for orbital change.

Given the engulfment of low-mass companions during the giant phase of the primary, Nordhaus

& Spiegel (2013) found that planetary companions will be tidally disrupted during the CE phase

and thus not remain intact in close orbits around WDs. For these systems, engulfment by CE

is likely in the final stages of OPD, but may have been preceded by RLOF and WRLOF. RLOF

and WRLOF are fundamentally different from BHL, the latter being the mass transfer mode

assumed by Villaver & Livio (2009).

With CE being such a key final stage determining the phenomenology of many stellar and

planetary systems, a basic question is to understand how wide initial binary systems can be and

still arrive at CE. In particular what binary systems incur WRLOF and RLOF on the path to CE?

If the evolution through these stages is rapid enough (for example, shorter than an AGB stellar

lifetime), then even systems with initial separations outside of a CE, might evolve to CE. We
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explore this in the present paper. The results are important for improving the statistics of binary

evolution.

Our study combines our previous 3D radiation hydrodynamic simulations of WRLOF and

BHL accretion in AGB binary systems, with analytic theory. In Section 6.2, we briefly describe

the numerical model of our simulations. In Section 6.3, we present the analytic model of

synchronized and non-synchronized binaries. In Section 6.4, we apply the numerical results from

simulations to the analytic model to characterize the orbital period change rate in realistic AGB

binary systems. We then compare the results with both conservative mass transfer systems and

ideal BHLmass transfer systems. In Section 6.5, we discuss the phenomenological implications.

We conclude in Section 6.6.

6.2 Numerical Model

A detailed description of the numerical model can be found in Chen et al. (2017). Here we

outline the salient features for the present simulations.

The 3D radiation hydrodynamic simulations, performed with ASTROBEAR1 (Cunningham

et al., 2009; Carroll-Nellenback et al., 2013), are carried out in the co-rotating frame of the binary systems

(table 6.6). When the boundary of the giant star is stationary in the co-rotating frame, the giant star is in

spin-orbit synchronized rotation in the lab frame (Appendix 6.A). In addition, a 2D ray tracing algorithm,

cooling and dynamic dust formation are considered in these simulations. The wind from the giant star

is driven by a piston model at the inner boundary of the giant star and the radiation pressure where dust

present. The secondary is accreting the gas (Krumholz et al., 2004).

The numerical models replicate the BHL mode of mass transfer in binaries with large separation and

WRLOF mode of mass transfer in close binary systems. The morphology of outflow is similar to some

well known objects such as L2 Puppis (Kervella et al., 2016), CIT 6 (Kim et al., 2017) and R Sculptoris

(Maercker et al., 2012).

Since the simulations are carried out in Cartesian coordinate with Eulerian code, an important

concern is how well angular momentum is conserved. We find that angluar momentum in the wind to

be conserved within 4%, up to 1.4 times the orbital separation, which is good enough not to affect our

conclusions. Detailed analysis can be found in Appendix 6.B.

1https://astrobear.pas.rochester.edu/

https://astrobear.pas.rochester.edu/
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Although the numerical simulations are carried out in the co-rotating frame as mentioned above, all

of our analytic calculations are carried out for the lab frame. We designate subscript ’1’ to the giant star

and subscript ’2’ to the secondary.

6.3 Analytic Model

Boyarchuk et al. (2002) and lecture notes by Pols 2 provide general equations for calculating the evolution

of binary separation. Tout & Hall (1991) and Pribulla (1998) also developed analytic models of orbital

evolution of binary stars, considering mass transfer, mass loss and angular momentum loss. Here we

follow a similar method to derive the orbital period change rate for both synchronized and non-spinning

binaries. For present purposes "synchronized" refers to the spin-orbit synchronization of our primary

AGB stellar rotation period with the orbital spin, as measured in the lab frame. We do not consider the

spin of the secondary.

We assume a binary with primary mass m1, secondary mass m2, and orbital separation a. The

z-component of angular momentum of in the lab frame for a fully synchronized state can be expressed

by:

J =
m1m2(Ga)1/2

(m1 + m2)1/2
+

I1(Gm1 + Gm2)
1/2

a3/2 +
I2(Gm1 + Gm2)

1/2

a3/2 (6.1)

where I1 and I2 are the moment of inertia of each star. G is the gravitational constant.

For binary systems that consist of a giant star and amain sequence star orWD, the giant will contribute

most of the moment of inertia. The gas accreted onto the secondary could spin it up and a rapidly spinning

secondary could feed back on the accretion. Such feed back warrants a detailed theoretical/numerical

model that includes magnetic field and radiation (Springel et al., 2005). Although recognizing that this

is important for further work, here we ignore the spin and moment of inertia of the secondary. Equation

6.1 then becomes

J =
m1m2(Ga)1/2

(m1 + m2)1/2
+
α1m1R2

1(Gm1 + Gm2)
1/2

a3/2 (6.2)

Where α1 and R1 are the moment of inertia factor and radius of the AGB star, respectively. The orbital

period of the binary system can be expressed as

P = 2πa3/2(Gm1 + Gm2)
−1/2. (6.3)

Squaring Eqns. (6.2) and (6.3) and taking the time derivative gives

2J ÛJ = A Ûa + B, (6.4)

2http://www.astro.ru.nl/~onnop/education/binaries_utrecht_notes/Binaries_ch6-8.pdf

http://www.astro.ru.nl/~onnop/education/binaries_utrecht_notes/Binaries_ch6-8.pdf
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and

2P ÛP =
12(aπ)2 Ûa

G(m1 + m2)
−

4π2a3( Ûm1 + Ûm2)

G(m1 + m2)2
, (6.5)

where

A =

(
Gm1m2√

Ga(m1 + m2)
−

3α1R2m1
√

G(m1 + m2)

a5/2

)
×

(√
Gam1m2
√

m1 + m2
+
α1R2m1

√
G(m1 + m2)

a3/2

) (6.6)

and

B =2 ×

(√
Gam1m2
√

m1 + m2
+
α1R2m1

√
G(m1 + m2)

a3/2

)
×

(√
Gam2 Ûm1
√

m1 + m2
+
α1R2 Ûm1

√
G(m1 + m2)

a3/2 +

√
Gam1 Ûm2
√

m1 + m2

−

√
Gam1m2( Ûm1 + Ûm2)

2 (m1 + m2)
3/2 +

α1R2G( Ûm1 + Ûm2)

2a3/2
√

G(m1 + m2)

) (6.7)

Given α1, R1, ÛJ, Ûm1 and Ûm2, Ûa can be calculated with Eqn. (6.4) and ÛP can be calculated by feeding Ûa into

Eqn. (6.5). If the primary has zero spin, taking α1 = 0 gives the appropriate result.

6.4 Results Using Simulations to Fix Model Parameters

6.4.1 Extracting Parameters from Simulations

To measuring Ûm2, we simply keep track of the mass of the secondary in our simulations. For Ûm1, we need

to measure the mass loss from the binary system. We do so by summing up the flux through a spherical

sampling shell centered at the center of mass of the binary. The sampling shell is chosen large enough to

contain both stars. The mass flux through the sampling shell is not sensitive to the size of the shell since

ASTROBEAR uses a conservative scheme to conserve mass strictly. Therefore any convenient radius

that is large enough will do Chen et al. (2017).

Choosing a sampling shell to calculate ÛJ is more subtle. Lin (1977) found that the specific angular

momentum of escaping parcels about the binary center of mass will continue to increase when moving

outward in the orbital plane. The parcel approaches its final specific angular momentum after it reaches

3 times the binary separation a. MacFadyen & Milosavljević (2008) found a similar result. Therefore,

spherical sampling shells with radii rshell ≤ 3a that contain both of the stars may in general give different
ÛJ..
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Another concern is identifying from whence the escaping mass originates. Usually, mass loss

from the L2 and L3 Lagrangian point is thought to be escaping mass. But the Roche potential is not

accurate for a very luminous binary system Chen et al. (2017). The L2 or L3 point may move inward or

disappear when the luminosity increases. In our 3D simulation, the AGB star is pulsating periodically

and the corresponding L2 point is oscillating. Thus there is no easy way to pinpoint specific radii which

distinguish escaping mass and non-escaping mass, so the best that one can do is make the sampling shell

as large as possible.

Our use of AMR poses a competing constraint that limits how large we can choose the ÛJ sampling

radius. On one hand, AMR allows us to put more computational resources in the central region of the

binary system where the mass transfer warrants extra resolution. On the other hand, we must use a coarse

grid at large radii, increasing the error there, especially where inertial forces dominate at large radii. To

minimize the angular momentum conservation error (Appendix 6.B), we use spherical sampling shells

with 1.3 times of binary separation, centered at the center of mass of the binary. Such sampling shells

contain both L2 and L3 points predicted by standard theory in all of our binary models. Given that

escaping gas will continue to gain angular momentum as it moves out, this gives a lower bound on ÛJ.

The mass flux through the sampling shell is given by

Ûmesc(t) =
∮

S(1.3a)

ρv · dS, (6.8)

where S is the surface of the sampling shell with rshell = 1.3a, ρ and v are the local fluid density and

velocity, respectively. and Ûm1(t) = − Ûmesc(t) − Ûm2(t) by mass conservation.

The total angular momentum flux is∮
S(1.3a)

(ρr × v) · ẑv · dS = − ÛJ(t), (6.9)

where ẑ is the unit vector in z direction. This ÛJ for the gas includes both the spin angular momentum that

came from the AGB star and the angular momentum gain interaction with the secondary. For one of our

cases in Section 6.4.4, we will deduct the spin angular momentum from ÛJ. We introduce a dimensionless

number

γ(t) =
ÛJ(t)

j0 Ûmesc(t)
, (6.10)

where j0 = m1m2(Ga)1/2(m1 + m2)
−3/2 is the specific orbital angular momentum of the binary and γ

measures how efficient the escaping gas is in removing angular momentum.

Since Ûm1, Ûm2, ÛJ and γ (see Appendix 6.C) are time dependent, we average them as follows before

using Ûm1 and ÛJ in Eqn. (6.4):

Ûm1 =

∫ t f

ti

Ûm1(t)dt, (6.11)
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model Ûm1 Ûm2 γ rshell

M� yr−1 M� yr−1 au

1 −2.96 × 10−7 1.16 × 10−7 7.77 × 100 3.9

2 −3.28 × 10−7 1.20 × 10−7 2.74 × 100 5.2

3 −2.21 × 10−7 4.51 × 10−8 1.01 × 100 7.8

4 −2.66 × 10−7 8.28 × 10−9 9.13 × 10−1 10.4

5 −2.61 × 10−7 5.85 × 10−9 8.03 × 10−1 13

Table 6.1: Measured parameters from 3D simulations. The first column lists the binary model number (Table 6.6).

Ûm1 and Ûm2 are the mass change rate of the primary and the secondary, respectively. γ is the average number calculated

by Equation (6.14). rshell is the radius of the sampling shell (centered at the center of mass of the two stars) through

which the escaping flux is measured.

Ûm2 =

∫ t f

ti

Ûm2(t)dt, (6.12)

ÛJ =
∫ t f

ti

ÛJ(t)dt, (6.13)

and

γ =

∫ t f

ti
ÛJ(t)dt

j0
∫ t f

ti
Ûmesc(t)dt

=
ÛJ

j0( Ûm1 + Ûm2)
, (6.14)

where ti and t f are the initial and final sampling time, respectively. In practice, we choose ti when the

simulation becomes stable and t f − ti > 9yr. It turns out that γ is a more intuitive number than ÛJ for

comparing the angular momentum loss efficiency between different models. Recovering ÛJ with Equation

(6.14) is straightforward. Table 6.1 lists Ûm1, Ûm2 and γ.

6.4.2 Conservative versus BHL mass transfer models

Conservative mass transfer is likely for very close binaries incurring RLOF, while BHL mass transfer

is more likely for wide binaries. We simulated the intermediate regime of 3D WRLOF which can lead

to fractions as high as (∼ 40%) of the wind mass transferred. As such, conservative and BHL mass

transfer models represent the two bounding extremes for WRLOF for comparison. The relevant model

description for these two extremes be found in standard textbooks so we only discuss them briefly here.

We neglect the spin of the stars in this section.
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model Ûm1 Ûm2 ÛPcon

M� yr−1 M� yr−1 yr yr−1

1 −2.96 × 10−7 2.96 × 10−7 −3.69 × 10−5

2 −3.28 × 10−7 3.28 × 10−7 −6.43 × 10−6

3 −2.21 × 10−7 2.21 × 10−7 −7.95 × 10−6

4 −2.66 × 10−7 2.66 × 10−7 −1.48 × 10−5

5 −2.61 × 10−7 2.61 × 10−7 −2.02 × 10−5

Table 6.2: Conservative mass transfer model. The model number in the first column corresponds to each model in

Table 6.6. Ûm1 is assumed to be the same as the result from 3D simulation. ÛPcon is the orbital period change rate

calculated by Equation (6.4) and Equation (6.5). γcon = 0 in this model.

conservative mass transfer model

Since we ignore the spin of the stars, α1 = 0 in Eqn. 6.4. And by the definition of conservative mass

transfer, Ûm2 = − Ûm1. We use the average value of Ûm1 (Eqn. 6.11) that we measured from our simulations.

In conservative mass transfer, ÛJcon = 0 since there is no mass loss from the binary system. ÛPcon will be

used to denote the orbital period change in this model. The results are listed in Table 6.2.

BHL mass transfer model

To estimate the orbital period change rate ÛPBHL in the BHL accretion scenario, we assume the stars do not

affect each others structure (mass loss, density distribution etc.) and are not spinning. In BHL accretion

(for negligible sound speed) (Bondi & Hoyle, 1944; Edgar, 2004), the accretion rate is given by

ÛmBHL =
4πG2M2ρ∞

v3
∞

, (6.15)

where M, ρ∞, v∞ are the mass of the accreting star, density and wind speed respectively. Here M is the

mass of the accreting star and M = m2 in our binary models.

Crudely, we assume

ρ∞ =
Ûmiso

4πa2vwind
, (6.16)

and

v∞ =

√
v2
wind + (2πa/P)2, (6.17)

where we take − Ûm1 = Ûmiso = 2.31 × 10−7 M� yr−1 and vwind = 15km s−1 as calculated for our isolated

AGB model (see Chen et al. (2017) Sec. 2.2). Here P is the period of the binary, calculated from Eqn.
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model Ûm2 γBHL ÛPBHL

M� yr−1 yr yr−1

1 1.04 × 10−9 0.1 1.93 × 10−6

2 1.44 × 10−8 0.5 1.61 × 10−6

3 8.92 × 10−9 0.5 3.23 × 10−6

4 6.12 × 10−9 0.5 5.20 × 10−6

5 4.47 × 10−9 0.5 7.45 × 10−6

Table 6.3: BHL mass transfer model. Ûm1 is assumed to be −2.31 × 10−7 M� yr−1in this model. Ûm2 is the accretion

rate. ÛPBHL is the orbital period change rate calculated by Equation (6.4) and Equation (6.5).

(6.3). We then get Ûm2 = ÛmBHL (Table 6.3) by Equation (6.15,6.16) and Equation (6.17). We assume that

the escaping gas has an angular momentum per unit mass equal to the specific orbital angular momentum

of the primary. By definition, γBHL can be expressed as

γBHL =
m2

m1
. (6.18)

6.4.3 Synchronized versus zero spin scenarios

Secondaries close to their giant star primaries can spin up (down) the latter via tidal forces (Zahn,

1989) and angular momentum can be transferred to the giant convective envelope. AGB stars have thick

convective envelopes below their photospheres.

There is also subsonic turbulence (Freytag et al., 2017) between the dust formation shell and photo-

sphere. This turbulent region could transfer angular momentum in close binaries. A gas parcel could gain

or lose angular momentum as it makes radial excursions from pulsations through a differentially rotating

atmosphere. Where dust forms, the gas will rapidly accelerate to supersonic speeds. The angular mo-

mentum transfer by convection will be diminishing while angular momentum transfer by gravity becomes

dominant. As we have justified in Appendix 6.A, the AGB star of models 1-4 is likely to be spin-orbit

synchronized but not in model 5. Instead of carrying out detailed calculation of the time dependent

synchronized AGB star, we add the zero spin case calculation for each binary model. This provides the

complementary extreme to the synchronized cases for WRLOF binary systems.

To prepare for our calculation of the zero spin cases, we need to quantify ÛJ. Since the binary

simulations we use to inform the analytic models were performed for only the synchronized state, we

must deduct the spin angular momentum from the AGB star to study the zero spin cases. We do that
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model γall γspin

1 3.13 × 100 7.26 × 10−1

2 9.38 × 10−1 1.52 × 10−1

3 3.34 × 10−1 6.75 × 10−2

4 1.37 × 10−1 3.80 × 10−2

5 8.18 × 10−2 2.43 × 10−2

Table 6.4: All angular momentum in AGB wind (γall) and angular momentum with a spinning boundary (γspin).

by measuring the angular momentum flux of an isolated AGB star in the co-rotating frame (same as in

Appendix 6.B). Due to numerical error, ÛJall varies slightly with r in our simulation so we must pick a

radius to use. We take the measured angular momentum flux at rshell = 0.8a as ÛJall and γall = ÛJall/( j0 Ûmall).

This is justified because in all five models, rshell = 0.8a is beyond the dust formation shell and all the

angular momentum transfer by convection happens beneath that shell. Subscript ’all’ denote that this is

all the angular momentum flux of the AGB wind which includes both the spinning boundary and any

transfer from convection in the subsonic region.

On the other hand, we can calculate γspin of just the spinning boundary (a spherical shell) located

below the photosphere analytically. This is a measure of specific of angular momentum on the shell of

the giant star. The result is

γspin =
2ωR2

1
3 j0

=
2(m1 + m2)

2R2
1

3m1m2a2 , (6.19)

where R1 = 0.9au, the same as our 3D simulation and MESA code result. Subscript ’spin’ denote that

this is only the angular momentum inherited from the synchronously spinning boundary of the AGB star.

We list γall and γspin in Table 6.4.

Table 6.4 shows that spin angular momentum is not entirely negligible in very close binary simulation

(Akashi et al., 2015) but negligible in wide binaries. The table also shows that gas gains angular

momentum after it is ejected from the inner boundary of the AGB star. In a real system, this could

result from a physical viscosity that transports angular momentum from inner to outer layers, especially

in the subsonic region. However, computationally, Eulerian codes have a substantial numerical viscosity.

that cannot be eliminated. Presently, we ascribe the aforementioned angular momentum transport to this

numerical viscosity rather than a physical effect even though there are physical effects in real systems

(including tidal friction) which may supply large values. To isolate the effect of numerical viscosity

and small error in non-conservation of angular momentum, we compare four cases in our subsequent

use of the simulation data to inform the theory: (i) spin-synchronized, with just the boundary AGB spin
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removed from the simulation data (labelled by subscript "syn,exspin"), (ii) spin-synchronized, with all

of the wind angular momentum the wind angular momentum before the dust formation region removed

from the simulation data (labelled by subscript "syn,exall") (iii) zero initial spin of the AGB star where

the AGB star has no initial spin kept and just the boundary spin is removed from the data, but allowing

the wind to accumulate angular momentum (labelled by subscript "non,exspin"), (iv) zero initial spin of

the AGB star and any subsequent boundary or wind angular momentum before the dust formation radius

is removed from the data (labelled by subscript "non,exall"). .

. We use ÛJexall = ÛJ − ÛJall and ÛJexspin = ÛJ − ÛJspin to calculate the orbital period change rate for cases

(ii,iv) and (i,iii) respectively. We employ the analytic model of Section 6.3, and set α = 0.063 to calculate

Ûasyn and ÛPsyn in the synchronized binary cases and let α = 0 to calculate Ûanon and ÛPnon for the zero spin

binary cases. The results are shown in Table 6.5.
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P Ûasyn,exspin Ûasyn,exall Ûanon,exspin Ûanon,exall ÛPsyn,exspin ÛPsyn,exall ÛPnon,exspin ÛPnon,exall

yr au yr−1 au yr−1 au yr−1 au yr−1 yr yr−1 yr yr−1 yr yr−1 yr yr−1

1 4.96 −1.26 × 10−5 −7.82 × 10−6 −1.04 × 10−5 −6.51 × 10−6 −3.06 × 10−5 −1.87 × 10−5 −2.51 × 10−5 −1.55 × 10−5

2 6.53 −2.83 × 10−6 −1.41 × 10−6 −2.78 × 10−6 −1.41 × 10−6 −6.22 × 10−6 −2.75 × 10−6 −6.10 × 10−6 −2.73 × 10−6

3 12.01 1.15 × 10−7 5.91 × 10−7 9.84 × 10−8 5.69 × 10−7 1.23 × 10−6 2.66 × 10−6 1.18 × 10−6 2.59 × 10−6

4 18.48 3.70 × 10−7 6.53 × 10−7 3.54 × 10−7 6.34 × 10−7 2.92 × 10−6 3.90 × 10−6 2.87 × 10−6 3.84 × 10−6

5 25.83 7.81 × 10−7 9.81 × 10−7 7.66 × 10−7 9.66 × 10−7 5.27 × 10−6 6.05 × 10−6 5.21 × 10−6 5.98 × 10−6

Table 6.5: The first column lists the binary model number; P lists the orbital period in yr of each binary model. The binary separation change rate Ûa and orbital period

change rate ÛP of four scenarios described in section 4.3 are listed in this table. {syn,exspin} refers to the model with a synchronized AGB star and for which we deduct the

angular momentum inherited from the spinning inner boundary. {non,exall} refers to the model that has non-spinning AGB star and we deduct all the angular momentum

of the wind before it reaches the dust formation region. {syn,exall} and {non,exspin} have the complementary analogous meanings. The red colors indicate the output from

the models that we think best characterize the physical expectation for the initial binary parameters. See text



93

Of the four sets of angular momentum prescription choices in Table 6.5 that compensate to various

degrees for the numerical error, we delineate the ones that we think best fit the physical binary model in

red color. We base our judgment on the time scales listed in Table 6.6. Specifically, we expect the AGB

star in models 1-3 to be synchronized and the companion’s tidal force can transfer angular momentum in

the subsonic wind region. Model 4 has a longer synchronization timescale so we expect that the inner

part of the AGB star is not fully synchronized but that angular momentum transfer can still be transferred

within the subsonic region. Model 5 probably would likely not correspond to a synchronized state and

so we deduct all angular momentum in the AGB wind in that case.

6.4.4 Results and physical discussion of orbital evolution

Results from ASTROBEAR and analytic models are combined in Figure 6.1. The plots show the orbital

period derivative for all of the different models as computed from their initial orbital parameters.

As identified from Table 6.5 and Figure 6.1, two factors are most important: binary separation a and

the presence or absence of synchronization. We discuss each in turn.

In our 3D simulations, the AGB wind is standardized and so the binary separation a will determine

the mass transfer mode for a fixed secondary mass. The binary stars of models 1-3 are likely experiencing

WRLOF while those of models 4 and 5 are likely experiencing BHL mass transfer. The orbital period

change rates ÛPnon and ÛPsyn approach ÛPcon for small binary separation but approaches ÛPBHL for large

separation (Figure 6.1). The trend is monotonic since ÛPnon and ÛPsyn both increase with a. The orbital

period decay (Table 6.5) occurs rapidly fast enough in models 1 and model 2 that they will incur RLOF

or precursor (Darwin) instabilities (Lai et al., 1994) within the lifetime of the AGB star (∼ 106yr). They

will ultimately incur a CE phase when the companion dives into the AGB envelope.

The AGB wind provides the driving force that changes the orbital period is the AGB wind. In its

absense, there is no way to couple spin and orbital angular momenta. Without a wind ÛJ = Ûm1 = Ûm2 = 0

giving Ûa = 0 and ÛP = 0 and there will be no difference in orbital evolution for synchronized and initially

non-spinning models. Comparing ÛPsyn,exspin to ÛPnon,exspin and ÛPsyn,exall to ÛPnon,exall, we see that if ÛP is

negative, the synchronization makes it more negative. If ÛP is positive, synchronization makes it more

positive. This can be understood if we view the rotating giant star as a reservoir of angular momentum

that extracts from the orbit when the binary stars orbit faster and releases to the orbit when the orbit is

slower. Via the wind, the spin-orbit synchronization of the giant star can thus accelerate tightening or

looseing of the orbit, the effect being stronger for closer binaries.

The wind speed also has some influence on the rate of orbital shrinking. Faster winds have less time

to interact with the companion, thereby reducing angular momentum and mass transfer and increasing
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Figure 6.1: The first figure shows ÛPsyn,exall and ÛPnon,exall for our five binary models vs. their initial orbital separation.

The second figure shows the corresponding plot for ÛPsyn,exspin and ÛPnon,exspin. ÛPBHL and ÛPcon are calculated from

our analytic model. Their exact values can be found in Table 6.5.
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mass loss. From our isolated AGB star model (Chen et al., 2017), the terminal wind speed is 15km s−1

and the mass-loss rate is 2.31 × 10−7 M� yr−1. Some AGB stars may eject slower winds (5 − 10km s−1)

with higher mass-loss rates (∼ 10−6 M� yr−1) (Freytag et al., 2017). In those cases, the binary system

will be more likely to incur WRLOF the orbit will decay faster.

6.5 Astrophysical implications

A most interesting consequence of our analysis is the implications for orbital period decay, which in turn

leads strongly interacting binaries (Nordhaus & Blackman, 2006; Ivanova & Nandez, 2016; Staff et al.,

2016b) such as CE and tidal disruption. From Table 6.5 (and also Figure 6.1), we conclude that ÛP is a

highly non-linear function of a but smaller a leads to faster OPD. The non-linearity is ascribed to the

mode of mass transfer. Models 4 and 5 have BHL accretion which leads to relatively less interaction

between the AGB wind and the secondary compared to WRLOF or RLOF. In contrast, models 1, 2 and

3 have WRLOF which is a more effective mass transfer mechanism than BHL accretion. As such, the

gas in the can gain more angular momentum from the secondary and escape from the L2 point. When

leaving the system, the gas carries a large fraction of angular momentum with a small fraction of mass of

the binary as shown with γ in Table 6.1.

As Ûa increases monotonically with a from negative to positive (Table 6.5), we can identify two key

values amerge and abi. The former, amerge, refers to the initial separation that distinguishes the binary

systems that will and will not subsequently merge. The value abi is the separation that distinguishes

tightening from widening binaries. Specifically, in our simulation, 4 au< amerge < abi < 6 au. The

existence of such a boundary was previously inferred from a tidally interacting and BHL accretion binary

model (Villaver & Livio, 2009; Nordhaus et al., 2010) and likely exists for any low mass ratio two-body

system.

The fate of the secondary is summarized in Fig. 6.2. The primary is located at the concentric center

of these spheres. The orange color indicates the merge region. A secondary in this region will move

towards the primary due to OPD and incur CE. Red indicates the scatter region. This region is identified

by amerge and abi. The secondary in this region will experience OPD but the OPD is not strong enough

for merging to happen during the AGB lifetime. At the end of the AGB evolution, the position of the

secondary will then be scattered within abi.

Now we consider an ensemble of binary systems with secondaries distributed uniformly only in the

scatter region i.e.

ρ(a, ti) = C (6.20)
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amerge

abi

Merge region: secondary in this 
region will merge with the 
primary.

Scatter region: Secondary in 
this region will end up with a 
closer orbit.

Separate region: Secondary 
outside abi will keep moving 
away from the primary.

Figure 6.2: Conceptual fate of the secondary considering wind and tide.

where ρ is of being initially at binary separation D(ti) = a, where amerge < a < abi at initial time ti. Here

C is a constant to normalize the probability integral. Since ÛP decreases rapidly with evolving D, when

the binary system evolves to its final state at tf, the closer the secondary is to the WD, the smaller the

probability ρ(D, tf). We illustrate ρ(a, ti) and ρ(a, tf) conceptually in Fig. 6.3.

Although not simulated directly, our analytic model, along with the three regions of Figure 6.2,

also speaks to the question of finding potential planets around WDs (Nordhaus & Spiegel, 2013) and

particularly, in the habitable zone. Surviving planets must be in the scatter region about the primary

in order to migrate close enough but avoid CE, wherein it would be destroyed (Nordhaus & Spiegel,

2013). However, this safety region is just thin shell of radial extent < 2 au. Furthermore, amerge is usually

not so small in giant binary systems and the nonlinear evolution of Ûa even if initially beyond the merge

region, would further decrease the possibility of finding a close planet around WD. This strengthens

the argument that first-generation planets in the white dwarf habitable zone are unlikely unless tertiary

or multi-body interactions result in scattering to high-eccentricity orbits (Nordhaus & Spiegel, 2013).

Subsequent damping to circular orbits via tidal friction may be possible, but would initially leave rocky

planets as uninhabitable, charred embers (Nordhaus & Spiegel, 2013).
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Figure 6.3: Conceptual ρ(a, ti) and ρ(a, t f ). Green band represents the potential habitable zone and the WD is at

the origin.
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6.6 Conclusions

We have studied the orbital period evolution in binary systems with a wind-emitting giant star, taking

into account different modes (WRLOF and BHL accretion) of mass transfer ( Ûm2), mass loss ( Ûm1) and

angular-momentum loss ( ÛJ). The time derivative of orbital separation Ûa and that of the period ÛP can

be calculated analytically given Ûm1, Ûm2 and ÛJ. We have examined the validity if the giant star in our

binary models can be synchronized under tidal force in Appendix 6.A and considered both spin-orbit

synchronized and zero spin AGB star scenarios.

We find that giant stars in close binary systems that undergo WRLOF are likely to be synchronized.

We expect such systems to incur OPD and orbit decay to the point that RLOF or Darwin instabilities

drive the system to a CE phase. Because WRLOF can happen at larger radii than RLOF or Darwin

instabilities,the rapid evolution we find from the WRLOF phase implies an dramatic increase in the

fraction of binaries that will arrive at CE were this phase ignored. In contrast, we find that wide binaries

undergo BHL mass transfer and are likely to be separating. In this case a synchronized giant star could

serve as an angular momentum reservoir that further enhances the separation.

We have identified two characteristic binary separations amerge and abi: amerge is the initial critical

separation below with binaries merge and abi is the critical separation at which Ûa = 0. These two

separations divide the space into three regions (Fig. 6.2): merge, scatter, and separate.

Angular-momentum loss ( ÛJ) and mass loss ( Ûmesc) are two competing factors in our model, just as

tidal friction, drag force and mass loss are in Villaver & Livio (2009); Nordhaus & Spiegel (2013). All

of these models agree that smaller separations lead to faster OPD although the mechanisms studied are

different.

Finally, we emphasize the importance of 3D binary simulations for capturing the nonlinear evolution

of the binary separation. In general, binary separation, mass of the stars and wind properties determine

the mass transfer mode (RLOF, WRLOF, or BHL) and interaction (tides and instabilities). As binary

stars get closer, the more a self-consistent giant star model is needed to resolve the fluid motion and stellar

structure. The dynamical evolution between mass transfer modes is warrants 3D binary simulations.

Crudely assuming only BHL accretion, for example, without following the nonlinear evolution of the

accretion mode can miss the rapid OPD and subsequent merger if the actual system evolves to WRLOF

when the separation decreases.



99

Appendix 6.A Justifying Spin-Orbit Synchronized AGB star

In our 3D simulations, the boundary condition of the AGB star we used is in spin-orbit synchronized

state. However, the AGB stellar spin may not be synchronized in widely separated binaries with small

mass ratios. To justify the assumption of synchronization, we calculate the synchronization timescale for

the giant star using equation (5) in Nordhaus & Spiegel (2013). If the timescale is much shorter than

the lifetime of the AGB star and the timescale for the binary to merge, then the synchronized boundary

condition can be justified. The time-evolution of the spin is given by(
dΩ1

dt

)
tides
=

6ωk2,1 f
α1τ1,conv

(
m1,env

m1

) (
m2

m1

)2 (
R1

a

)6 (
1 −
Ω1

ω

)
−Ω1

ÛI1

I1
(6.21)

where ω,Ω1, R1,m1,m1,env, I1 are the circular orbital angular frequency of the binary system, rotational

angular frequency, radius, total mass, envelop mass and moment of inertia of the giant star, m2 is the

total mass of the secondary, τ1,conv =
(
m1,envR2

1/L1
)1/3 and L1 is the luminosity of the giant star. The

tidal Love number of the giant is k2,1 which we assume to be unity, f is also close to unity (Nordhaus &

Spiegel, 2013). For a spherically symmetric density distribution, the moment of inertia is calculated by:

I =
∫ R

0

8πr4ρ(r)
3

dr = αmR2 (6.22)

where α, R and m are the moment of inertia factor, radius of the sphere (star) and the total mass of the

star, respectively. In an evolving star, I, α, R and m will all be time dependent variables. However, for

simplicity, we only consider the time dependence of I and m in this paper and assume α and R to be

constant in a short period of time. The time scale for the giant star to be synchronized is then estimated

by:

t =
ω

dΩ/dt
(6.23)

taking Ω(t = 0) = 0.

The remaining parameters needed to calculate dΩ/dt are: α,m1,env, R1 and L1. MESA (Modules for

Experiments in Stellar Astrophysics) (Paxton et al., 2015) can provide us the values. We take a 1.3M�

ZAMS as an illustrative example. When it evolves to 1M�, α ≈ 0.063, menv ≈ 0.45M�, R1 ≈ 0.9au and

L ≈ 3100L�. We notice that the luminosity predicted by MESA is greater than the luminosity (2342L�)

we used in our 3D simulation. However, our AGB star model is a phenomenological model and we focus

on the wind structure instead of the core and the envelope of the star. Our model has produced an AGB

wind with reasonable speed (∼ 15km/s) and a lower density. We view the discrepancy as a potential

challenge and opportunity for future studies. To estimate the timescale (table 6.6) of synchronization, we

use the values from MESA.
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model m1 m2 a t

M� M� au yr

1 1.0 0.1 3 2.41×103

2 1.0 0.5 4 5.42×102

3 1.0 0.5 6 6.17×103

4 1.0 0.5 8 3.47×104

5 1.0 0.5 10 1.32×105

Table 6.6: The first column lists the model number used throughout this paper; m1 and m2 are the mass of the giant

star and the secondary, respectively; a(au) is the binary separation; t is the synchronization timescale of the giant

star.

From the resulting calculation, we find that the timescale to synchronize the giant star is much smaller

than the lifetime of the AGB star (∼ 106yr) and the timescale to merge (105 − 106yr) (perhaps except for

model 5) as we see in the calculations of section 6.4.4). Therefore, we find it reasonable to assume that

the AGB star should be synchronized throughout the simulations for models 1-3. On the other hand, we

discuss and the non-synchronized nature of model 5 in more detail and give the corrected answer. The

giant star in model 4 is likely partially synchronized.

As the binary separation is decreasing in model 1 and model 2, the synchronization assumption can

hold for future long-term evolution (Perhaps model 3 also as the two stars are not separating fast). We

will discuss the non-synchronous scenario in Section 6.4.4.

Appendix 6.B angular momentum error in AGB wind

In this section, we quantify the angular momentum error (’the error’ hereafter) in our isolated AGB

wind model. Ideally, when supersonic fluid is moving outward in a central potential (a combination of

gravitational force and radiation force), its angular momentum should not change ( ÛJ =const.). In our

model, gas will become supersonic when dust forms.

Since we have five binary models, each with different binary orbital angular frequencies, we examine

the error of an isolated AGB wind for different angular frequencies. Each simulation has an AGB

star at the center of the simulation box. The simulation is also carried out in co-rotating frame, with

ω =
√

G(m1 + m2)/a3. This should be equivalent to simulation of AGB star which spins atω in lab-frame.

We measure the average angular momentum flux ÛJ through sampling shells (centered at the center of the
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Figure 6.4: Angular momentum error in AGB wind. The x-axis is the distance in binary separation. The y-axis is

the value of error. Five different makers show the error of corresponding angular frequency of the binary model with

that separation. The vertical dotted line denote the radius of sampling shell that we use in parameter measurement

(Section 6.4.1).

AGB star) at a series of radii [0.8a, 0.9a, 1.0a, 1.1a, 1.2a, 1.3a, 1.4a]. a is the binary separation.

We plot the error of different models in Figure 6.4. We can see that the error in AGB wind is

acceptable, or within 4% of all the angular momentum in the AGB wind.

Appendix 6.C time varying γ

TheAGBbinarymodels in this paper take dust formation, radiation transfer and cooling into consideration

and thus the system is highly dynamic, especiallywhen there is a large accretion disc. Wenote that Eulerian

codes in Cartesian coordinates are generally poor at conserving angular momentum at large amid the

coarse grid. We thus we measure the angular momentum flux at relatively small radii rflux = 1.3a. The



102

AMR capability of ASTROBEAR can help us resolve the central part of the binary system and thus

minimize the error.

Fig. 6.5 shows the time varying γ(t) and averaged γ of each models. There is a 1yr period in γ(t)

corresponding to the AGB pulsation. We also notice that there are dips in the 4au and 6au models but

not in other models. We infer these to be waves in the accretion disc and fall back. Both 4au and 6au

simulations have large accretion discs (see Fig. 4 in Chen et al. (2017)). Since the sampling shell is

at rflux, the waves in the accretion disc and also in the circumbinary disc can propagate to the sampling

shell. However, we do not have a self-consistent model of these waves (see discussions in Sec. 2.3 in

Chen et al. (2017)) for the accretion disc and view this problem as a future research direction.
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Figure 6.5: The solid lines show the sampled time varying γ(t) of our five binary models. The dashed lines are the

averaged γ.
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Figure 6.5: Continued figures.
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7 Conclusions and Discussion

Low-mass symbiotic binary stars are very common in the universe. In this dissertation, we have studied

the dynamics of ejecta from binary system with a simple hydrodynamic model (Chapter 3), mass transfer

between the two stars, morphology of the outflow, and optical properties of AGB binary systems (Chapter

4 and 5) and the orbital evolution and its corresponding implication on the binary fate (Chapter 6). We

use AstroBEAR (Carroll-Nellenback et al., 2013) to carry out 2D and 3D numerical calculations and

use RADMC3D to run 3D Monte Carlo radiation transfer calculation. We do not consider radiation as

a source term in our binary model in chapter 3 and 4 but consider the momentum transfer of radiation

in chapter 5 and 6. We list the main conclusions in section 7.1. Section 7.2 outlines the difficulties

in understanding the long term evolution of low-mass symbiotic binary systems and the possible future

direction of studies.

7.1 Conclusions

A simple hydrodynamic model is used to describe the dynamics of fall back shell in low-mass binary

systems (Chapter 3). Whether the shell may fall back or escape depends on the steady state wind and the

mass of the central stars. The qualitative result is that we find a bifurcation of fall back vs. escape modes

of ejected shells.

In Chapter 4, we present a fully 3-D hydrodynamic simulation that models a pulse of dense wind

followed by constant stellar wind in a binary system. Our simulation self-consistently forms a circumbi-

nary disk with wide-bipolar outflows for the L2 Puppis system parameters. We further use the output of

hydrodynamic result to produce synthetic observations of broad-band photometric and imaging data with

RADMC3D. The new result is a significant improvement of the previous non-dynamical, morphological

studies of L2 Puppis . The combination usage of hydrodynamic calculation and 3DMonte Carlo radiation
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transfer code can be applied to other astrophysical problems. The advantage of the combination usage is

the high efficiency. It is very CPU time consuming to carry out 3D Monte Carlo radiation transfer for

every hydrodynamic time step. In principle, if the hydrodynamic model consider the radiation transfer

and included the momentum and energy source terms of radiation in its calculation, the result of the

post-processing should be as good as carrying out Monte Carlo calculation for every hydrodynamic time

step. However, it is not easy to efficiently include the all the impact of radiation and sometimes only

momentum transfer may be considered. We will leave the details to section 7.2.

In Chapter 5, we perform 3D radiation hydrodynamic simulations with ASTROBEAR. We carry

out analysis from first principles and examine the physical properties of isolated AGB stars (section

5.2.2). Both normal pulsating states and bursting states are explained in detail and discussed (van Loon

et al., 2005; Ivanova & Nandez, 2016; Staff et al., 2016b). We perform six binary simulations with

ASTROBEAR. Five of the binary models have a normal pulsating AGB star and one of the binary models

has a bursting AGB star (Sec. 5.3). Our isolated AGBs star produce AGBwinds with reasonable terminal

velocities and velocity profiles (Fig. 5.2) but low mass-loss rates. We think it is mainly the incorrect EOS

and lack of radiative-convective envelop that cause this small mass loss rate. In radiation hydrodynamic

binary simulations, EOS and radiation pressure can induce convection and determine density profiles,

which in turn sets the optical depth which effects the dynamics andmass-loss rate. Therefore, in principle,

different EOS and opacity profile would yield different dynamics and mass loss rate. We will address

this difficulty further in section 7.2. On the other hand, there is a similarity between high mass-loss rates

in wide binaries and low-mass loss rates in close binaries as the density drops with distance. Therefore

it is still worthwhile to carry out simulations in binary systems with low mass-loss rates. In particular,

self-consistent AGB wind models are important and are of interest. With the new model of symbiotic

binary system, we successfully reproduce both spiral structure, circumbinary disk and bipolar structure

by varying binary separation. The spiral structure exists in binary systems with relative large separation

and the circumbinary disk and bipolar structure exist in close binary systems as expected. The mass

transfer rate increase rapidly with the decrease of the binary separation. We must point out that the

lack of feedback mechanism (radiative or magnetic) of the accreting companion in our model makes the

accretion rate in question for high accretion rate case. However, the accretion rate in model stay out of the

high accretion rate zone and has been justified in Chapter 5. The feedback problem may be an interesting

problem to study and we will continue the discussion in section 7.2.

In Chapter 6, we use an analytic model to calculate the orbital change rate of the binary systems

presented in Chapter 5. The fate of the binary systems are predicted based on the lifetime of a typical

AGB star and the linear binary separation change rate. We concluded that the close binaries may get

closer and the wide binaries may get wider (figure 6.2) in the process of mass transfer and mass ejection.
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The binaries that will get closer are very interesting binary systems as they may get close enough to induce

orbital instability and merge afterward. The merging low-mass binary stars may explain the formation

and light curves of LRNe. They could also provide information on the initial condition of CE evolution

and type Ia SNe.

To conclude, low-mass symbiotic binary systems aremultifaceted and commonobjects in the universe.

We used different approaches and models to describe their morphology, photometry, mass transfer and

orbital evolution of binary systems. We managed to unify these multifaceted objects with a single model

in Chapter 5. However, there are still many improvement that should be made in the future and will be

discussed in the next section.

7.2 Discussions

In this section, we will address the challenges and difficulties in the study of close binary star evolution.

Figure 7.1 illustrate the zones in a symbiotic binary system that has a giant star.

7.2.1 Radiation transfer

Radiation (erad = aT4) plays an important role in symbiotic binary systems. A more sophisticated

model of the radiative atmosphere of the giant star would allow us to study the very close binary

system, otherwise the mass transfer would be very unrealistic because the radiation energy in giant stars’

atmosphere (103 − 104erg·cm−3) is comparable to the energy density in the gas (103 − 104erg·cm−3).

For the same reason, radiative transfer is required to model the feedback from the companions since the

erad ∈ [103, 106]erg·cm−3around the accreting stars for MS and WD companions. These two regions are

two of the high temperature zones in symbiotic binary systems. They are optically thick. Flux-limited-

diffusion (FLD) (Turner & Stone, 2001) is a mature and efficient method that can handle the radiative

transfer in optically thick region.

However, the existence of optically thin region between the symbiotic binary stars complicates the

radiative transfer. Radiative transfer in optically thin region is non-local. The radiative interaction

between the two stars is partial and every point has its own dependence zone. Dust formation and dust

driven AGBwind also happens in this region hence the correctness of mass transfer rate is also dependent

on the resolution of this optically thin region. To properly handle the non-local radiative transfer problem,

ray-tracing (RT) (Abel & Wandelt, 2002) or MC method (Whitney, 2011) would be the best method.

Therefore, a combination of radiative transfer method (FLD+RT or FLD+MC) is the best way to

handle the symbiotic binary problem. Unfortunately, there is still no such application to the binary
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Winds are deflected

Figure 7.1: Illustrative plot of a symbiotic binary system that has a giant star. A giant star is represented by the

yellow circle. Its atmosphere inside the yellow circle. A companion star is represented by a yellow star. The x and y

axis are in unit of binary separation. 1, 2 and 3 Lagrangian equipotential are shown in red, green, and blue dashed

lines. The black dashed line represents the dust formation radii and the purple dashed line indicates the neighborhood

of the secondary where dust destruction and ionization take place. To incur WRLOF, the dust formation radii should

be close to the L1 point.
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problem. The reason for that would be the complication in combining any of the two methods in one

code.

7.2.2 Equation of state hydrodynamics

The temperature varies (102 ∼ 104K) in symbiotic binary systems. In reality, the heat capacity CV varies

with the temperature as well because of thermal dynamic reactions. An H2 disassociates around 2000K

and absorbs 4.47eV energy (Liu et al., 2009), an HI can be ionized around 7000K and absorbs 13.6eV

energy. In the extreme cases, CV could vary four times just because of change in the number density

of particle. The latent heat in these two thermal dynamic process is also non-negligible. The mean

particle energy is 0.26eV at 2000K and is 0.90eV at 7000K. Therefore the latent heat is about 16 times

higher than the particle’s kinetic energy. That means there could be 16 times difference in temperature

for realistic and ideal gas models. This error in temperature is intolerable if radiative energy transfer is

being considered in calculation.

This problem could be solved by solving the Euler equations together with the equation of state

(Colella & Glaz, 1985).

∂ρ

∂t
+ ∇ · (ρu) = 0 (7.1)

∂ρu
∂t
+ ∇ · (ρuu) = −∇p (7.2)

∂E
∂t
+ ∇ · [(E + p)u] = 0 (7.3)

e = e(ρ,T) (7.4)

p = p(ρ,T) (7.5)

All the symbols have their common hydrodynamic meanings and equation (7.4) and (7.5) are the

equation of state. The Euler equations can be solved by Riemann solvers if the equation of state makes

the Euler equation hyperbolic. The requirement for such condition is
(
∂p
∂ρ

)
s
> 0 where the subscript s

means adiabatic. Explicitly, (
∂p
∂ρ

)
s

=
1
ep

(
p
ρ2 − eρ

)
(7.6)

where ep =
(
∂e
∂p

)
ρ
. This derivative is usually positive as e and p are usually positively correlated. In

conclusion, the Euler equations remain hyperbolic if,(
p
ρ2 − eρ

)
> 0 (7.7)
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For ideal gas, eρ < 0 is always true thus equation (7.7) is always true; for Fermi gas, equation (7.7) needs

to be checked at all (ρ,T). In addition, for ideal gas, the equation of state is always convex, i.e.

eρ < 0, eT > 0 (7.8)

and

pρ > 0, pT > 0 (7.9)

The convexity guarantees that there is one and only one solution to the EOS Euler equations (Liu,

1975; Smith, 1979).

Fortunately, we have devised an efficient general EOS HLLC Riemann solver that gives the correct

solution. It can handle to phase transition in the presence of shock waves and rarefaction waves. However,

the detail discussion of the new Riemann solver is beyond the scope of this dissertation.
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